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FIG. 1. Predictions of the gravitational-wave energy density spectra using di↵erent models for the loop distribution function
n(�, z) and varying the number of kinks per loop oscillation Nk. The string tension Gµ is fixed to 10�8. Top-left: model A,
Nk = 1. Top-right: model B, Nk = 100. Bottom-left: model C, Nk = 1. Bottom-right: model C, Nk = 100. For model C, we
use the following parameters: �rad = 0.45, �mat = 0.295, crad = 0.15, cmat = 0.019; the subscripts refer to the radiation and
matter eras, respectively. The black dashed curve shows power-law-integrated sensitivity curve [37] for HLV network from the
O3 isotropic stochastic search [25].

We assume that the occurrence of a detectable burst of272

gravitational waves follows a Poissonian law with mean273

given by the estimated detection rate. For a set of pa-274

rameters (Gµ,Nk), models which predict a detection rate275

larger than 2.996/Tobs are excluded at 95%, i.e. we ex-276

clude models for which the probability of non-detection277

is lower than 5%.278

IV. STOCHASTIC SEARCH279

A search for a stochastic background of gravitational280

waves [35] was done with the Advanced LIGO and Ad-281

vanced Virgo data from their third observing run, O3.282

These results were combined with those from the previ-283

ous two observing runs, O1 and O2 [28, 42, 43]. The284

normalized energy density of the stochastic background285

is defined as286

⌦GW(f) =
f

⇢c

d⇢GW

df
, (12)

where ⇢c = 3H2
0 c

2
/(8⇡G). The results reported in [25]287

assume the spectrum to be a power-law ↵ of the fre-288

quency:289

⌦GW(f) = ⌦ref

✓
f

fref

◆↵

, (13)

where fref denotes a reference frequency, fixed to 25 Hz,290

a convenient choice in the most sensitive part of the fre-291

quency band. LIGO and Virgo did not detect a stochas-292

tic background, and so set upper limits depending on293

the value of ↵. The stochastic background from cos-294

mic strings in the LIGO-Virgo frequency band is pre-295

dicted to be approximately flat, setting the upper bound296

⌦GW  6.2⇥ 10�9 at the 95% credible level for a flat297

↵ = 0 background.298

In the present paper, we perform a Bayesian analysis299

taking into account the precise shape of the background300

(see, Fig. 1) instead of a power-law and use it to derive301

upper limits on the cosmic string parameters.302

We first calculate the log-likelihood function assuming303

3

α = 0 (35)

α = 2/3 (36)

w

α = 3 (37)

Ξ0 (38)

G → · · · → GSM (39)

π1(M) ̸= 0 (40)

dEGW
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(Gπ)2/3

3
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ν−1/3 (41)

Gµ ∼ T 2
SSB (42)

τ ∼ ℓ

Gµ
(43)

M × F (44)

(A,H,D) (45)

σj(φ) = ρje
iθj (46)

Vj ∼ ℓ3Pj
3/2 (47)

j ∈ 2N0 + 1

2
(48)

ρGW ∼ ḣ2 (49)
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It would appear as noise in a single GW detector

How do we detect a GWB ?
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method provides a check on whether a proposed SGWB
signal is consistent with an isotropic SGWB or if it is
more consistent with environmental disturbances. Such a
method o↵ers complementary information to approaches
that attempt to subtract or mitigate correlated noise.

In this paper, we take a di↵erent tact. We model the
contribution of correlated magnetic noise from Schumann
resonances to the frequency-domain SGWB estimator
used by most searches [22]. We propose a method to sim-
ultaneously detect correlated magnetic noise and a SGWB
using local on-site magnetometers and current SGWB
search data products. We then demonstrate this method
using realistic time-domain and frequency-domain syn-
thetic data sets with varying levels of correlated magnetic
noise. Such a method o↵ers an alternative to Wiener filer-
ing, but could also be used on data that has already had
Wiener filtering subtraction applied, given that Wiener
filtering in the low signal-to-noise regime can result in
imperfect subtraction [20].

The rest of this paper is organized as follows. In Sec-
tion II, we introduce the cross-correlation statistic used in
SGWB searches, and highlight complications introduced
by correlated detector noise. In Section III, we explain
the Schumann resonances and their coupling to the detect-
ors, and we present the way we model this coupling. We
then present a method of simulating synthetic time series
data that includes a correlated magnetic spectrum in a
multi-detector network. In Section IV, we discuss a model
for the SGWB search statistic that includes correlated
magnetic noise, and demonstrate how we use that model
to co-detect the presence of correlated magnetic noise and
a SGWB. We present results on synthetic data in Sec-
tion V, and finish with a brief discussion and suggestions
for future work in Section VI.

II. SGWB AND SEARCH METHODS

If we assume the SGWB is isotropic, Gaussian, station-
ary, and unpolarized, then it is fully characterized by the
dimensionless energy density per logarithmic frequency
interval

⌦gw(f) =
1

⇢c

d⇢gw(f)

dln(f)
, (1)

where d⇢gw is the GW energy density in the frequency
interval ln f to ln f +d ln f , and ⇢c = 3H2

0 c
2
/(8⇡G) is the

critical energy density to close the Universe. It is common
to model the SGWB spectrum as a power law:

⌦gw(f) = ⌦↵

✓
f

fref

◆↵

, (2)

where ⌦↵ is the amplitude at a reference frequency, fref ,
and ↵ is the spectral index. We will use fref = 25 Hz.

Unresolved CBCs give a background spectrum with
↵ = 2/3; slow roll inflation models and cosmic strings
predict ↵ = 0. It is also common to consider a model

that is flat in GW power, which corresponds to ↵ = 3,
to mimic signals like those from phase transitions and
supernovae [8]. Recent estimates suggest that the SGWB
could be detected by the Advanced LIGO and Advanced
Virgo detector network once these detectors reach design
sensitivity and integrate for O(years) [7].

In what follows, we consider a SGWB search that uses a
cross-correlation estimator that is optimal for a Gaussian,
stationary, unpolarized and isotropic background. Our
estimator, Ĉij(f), for the SGWB measured from detectors
i and j is

Ĉij(f ; t) =
2

T

Re[s̃⇤
i
(f ; t)s̃j(f ; t)]

�ij(f)S0(f)
, (3)

where s̃i(f ; t) is the Fourier transform of the strain time
series in detector i starting at time t, �ij(f) is the
normalized overlap reduction function (ORF) [13, 23]
between detectors i and j, T is the duration over which
the Fourier transform is taken, and S0(f) is the spec-
tral shape for a SGWB that is flat in energy density,
S0(f) = 3H

2
0/(10⇡

2
f
3).

In the limit where the total GW strain amplitude in
detector i, h̃i(f), is much less than the intrinsic detector
noise, ñi(f), the variance of Ĉij(f ; t) is given by

�
2
ij

(f ; t) =
1

2�fT

Pi(f ; t)Pj(f ; t)

�ij(f)2S0(f)2
, (4)

where Pi(f ; t) is the one-sided power spectral density
(PSD) of detector i between times t and t + T , and �f is
the frequency resolution.

In general, Eq. (3) and Eq. (4) are estimated for many
short time-segments of T = 192 s and these segments are
optimally combined in a post-processing step given by

Ĉij(f) =

P
k
Ĉij,k(f)��2

ij,k
(f)

P
k
�
�2
ij,k

(f)
, (5)

�ij(f) =

 
X

k

�
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ij,k

(f)

!�1/2

, (6)

where k indexes the time segments. For a set of Nt time
segments starting at times {tk}

k=Nt
k=1 , we have defined

Ĉij,k(f) = Ĉij(f ; tk), and likewise for its variance.
It is worth considering the expectation value of the

estimator, hĈij(f)i, in some detail (we will suppress the
time-dependence for brevity). Let us assume that s̃i(f)
can be written as

s̃i(f) = h̃i(f) + ñi(f), (7)

where ñi(f) is the Fourier transform of the instrument
noise in detector i, and

h̃i(f) =
X

A

Z
d2

r̂ F
A

i
(f, r̂)h̃A(f, r̂)e�2⇡if~xi·~r/c (8)

is the total GW signal in detector i located at ~xi. Here
F

A

i
(f, r̂) is the response of detector i to a plane-wave
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traveling in direction r̂ with polarization A, and h̃A(f, r̂)
is the Fourier amplitude of that plane wave. Consequently,

hs̃
⇤
i
(f)s̃j(f

0)i = hh̃
⇤
i
(f)h̃j(f

0)i + hh̃
⇤
i
(f)ñj(f

0)i

+hñ
⇤
i
(f)h̃j(f

0)i + hñ
⇤
i
(f)ñj(f

0)i. (9)

If we assume that the SGWB is isotropic, Gaussian, sta-
tionary and unpolarized, then it is well-described by a
single power spectral density Sgw(f),

hh̃
⇤
i
(f)h̃j(f

0)i =
1

2
�T (f � f

0)�ij(f)Sgw(f), (10)

where �T (f � f
0) is the finite-time approximation to the

dirac delta function, and Sgw(f) is related to the dimen-
sionless energy density as follows

Sgw(f) =
3H

2
0

10⇡2

⌦gw(f)

f3
. (11)

Note that, for the existing detectors, the overlap reduction
function, �ij(f), accounts for all the geometric factors
that come into play when cross-correlating data from
di↵erent detectors [13].

Combining Eqs. (9)–(11), substituting into Eq. (3), and
then including the time-dependence again, we find

hĈij(f ; t)i = ⌦gw(f) + 2 Re


hñ

⇤
i
(f ; t)ñj(f ; t)i

T�ij(f)S0(f)

�
, (12)

where we have assumed that the GW signal and the
intrinsic noise are uncorrelated, hh̃

⇤
i
(f)ñj(f 0)i = 0, and

that the noise in each frequency bin is independent. It is
clear from (12) that in the absence of correlated noise, i.e.
hñ

⇤
i
(f)ñj(f)i = 0, hĈij(f)i is an estimator for ⌦gw(f).

However, this is not the case when hñ
⇤
i
(f)ñj(f)i 6= 0.

Schumann resonances are a potential source of correl-
ated magnetic noise. An estimate of the correlated mag-
netic noise contribution in the isotropic SGWB search
using data from Advanced LIGO’s first and second ob-
serving runs indicates that it is not yet an issue for current
searches [24]. However, as detectors grow more sensit-
ive, this will likely change, and the magnetic noise budget
could dominate the signal [16]. Hence, a careful treatment
of correlated magnetic noise is of vital importance.

III. SIMULATING GW DATA WITH
CORRELATED NOISE

In this section, we discuss how we simulate GW data
that is contaminated with correlated noise due to the Schu-
mann resonances. In IIIA we discuss the Schumann res-
onances and their general properties. In III B we present
a model for the coupling of magnetic fields into GW de-
tectors. In III C we show how to simulate multiple data
streams that have correlated Gaussian noise components,
and then we apply that method to our specific use case.

A. Schumann Resonances

In 1952, Schumann predicted the existence of global
extremely low frequency (ELF) peaks in the electromag-
netic field of the Earth, which were subsequently ob-
served [25, 26]. The resonances are eigenmodes of the
conducting spherical cavity formed by the surface of the
Earth and its ionosphere, and are excited by lightning
discharges [27]. The first harmonic, which corresponds
to the circumference of the Earth, is at 7.8 Hz, and the
subsequent harmonics are at 14 Hz, 20.8 Hz and 27.3 Hz.
The first mode has the strongest resonance peak, with
each consecutive peak being weaker than the previous one.
In Figure 1, we show the power spectral density seen in
low-noise magnetometers on-site at the Advanced Virgo
detector. We can clearly see the first five harmonics of
the Schumann resonances. There is a diurnal variation in
the amplitude of the Schumann resonances that corres-
ponds to electrical storms that start at similar times and
places each day [28, 29]. The amplitude of the resonance
peaks can vary by as much as a factor of two between the
loudest and quietest times of the day, depending on the
time of year and the location [27, 29, 30]. What is shown
in Figure 1 represents a trough in the height of the peaks
over the course of the day at Virgo. Despite this diurnal
variation, we will model the spectrum as stationary in
this paper for simplicity.

Figure 1. Power spectral density of magnetometer data near
the Advanced Virgo detector. The blue is the inverse-averaged
power spectral density for many 32 s chunks of data for the
period from 00:00–02:00 UTC on July 9th, 2019. We use
inverse averaging to account for possible magnetic transients
that occur during this time. We produce the orange curve
by removing the large, narrow spectral features and applying
a smoothing filter. We can clearly see five harmonics of the
Schumann resonances. The large, narrow spectral features are
caused by local magnetic noise on site at Virgo.

The Schumann resonances, being global excitations, are
coherent across the O(1000 km) distance scales between
GW detectors [19, 20]. We model the time-series induced
in magnetometers from the Schumann resonances as Gaus-
sian, stationary, and unpolarized, with a power-spectral
density that can be described by a set of Lorentzians

But   noise    >>    strain
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traveling in direction r̂ with polarization A, and h̃A(f, r̂)
is the Fourier amplitude of that plane wave. Consequently,
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(f)ñj(f

0)i

+hñ
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sionless energy density as follows
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Note that, for the existing detectors, the overlap reduction
function, �ij(f), accounts for all the geometric factors
that come into play when cross-correlating data from
di↵erent detectors [13].

Combining Eqs. (9)–(11), substituting into Eq. (3), and
then including the time-dependence again, we find
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where we have assumed that the GW signal and the
intrinsic noise are uncorrelated, hh̃

⇤
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(f)ñj(f 0)i = 0, and

that the noise in each frequency bin is independent. It is
clear from (12) that in the absence of correlated noise, i.e.
hñ
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(f)ñj(f)i = 0, hĈij(f)i is an estimator for ⌦gw(f).

However, this is not the case when hñ
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Schumann resonances are a potential source of correl-
ated magnetic noise. An estimate of the correlated mag-
netic noise contribution in the isotropic SGWB search
using data from Advanced LIGO’s first and second ob-
serving runs indicates that it is not yet an issue for current
searches [24]. However, as detectors grow more sensit-
ive, this will likely change, and the magnetic noise budget
could dominate the signal [16]. Hence, a careful treatment
of correlated magnetic noise is of vital importance.

III. SIMULATING GW DATA WITH
CORRELATED NOISE

In this section, we discuss how we simulate GW data
that is contaminated with correlated noise due to the Schu-
mann resonances. In IIIA we discuss the Schumann res-
onances and their general properties. In III B we present
a model for the coupling of magnetic fields into GW de-
tectors. In III C we show how to simulate multiple data
streams that have correlated Gaussian noise components,
and then we apply that method to our specific use case.

A. Schumann Resonances

In 1952, Schumann predicted the existence of global
extremely low frequency (ELF) peaks in the electromag-
netic field of the Earth, which were subsequently ob-
served [25, 26]. The resonances are eigenmodes of the
conducting spherical cavity formed by the surface of the
Earth and its ionosphere, and are excited by lightning
discharges [27]. The first harmonic, which corresponds
to the circumference of the Earth, is at 7.8 Hz, and the
subsequent harmonics are at 14 Hz, 20.8 Hz and 27.3 Hz.
The first mode has the strongest resonance peak, with
each consecutive peak being weaker than the previous one.
In Figure 1, we show the power spectral density seen in
low-noise magnetometers on-site at the Advanced Virgo
detector. We can clearly see the first five harmonics of
the Schumann resonances. There is a diurnal variation in
the amplitude of the Schumann resonances that corres-
ponds to electrical storms that start at similar times and
places each day [28, 29]. The amplitude of the resonance
peaks can vary by as much as a factor of two between the
loudest and quietest times of the day, depending on the
time of year and the location [27, 29, 30]. What is shown
in Figure 1 represents a trough in the height of the peaks
over the course of the day at Virgo. Despite this diurnal
variation, we will model the spectrum as stationary in
this paper for simplicity.

Figure 1. Power spectral density of magnetometer data near
the Advanced Virgo detector. The blue is the inverse-averaged
power spectral density for many 32 s chunks of data for the
period from 00:00–02:00 UTC on July 9th, 2019. We use
inverse averaging to account for possible magnetic transients
that occur during this time. We produce the orange curve
by removing the large, narrow spectral features and applying
a smoothing filter. We can clearly see five harmonics of the
Schumann resonances. The large, narrow spectral features are
caused by local magnetic noise on site at Virgo.

The Schumann resonances, being global excitations, are
coherent across the O(1000 km) distance scales between
GW detectors [19, 20]. We model the time-series induced
in magnetometers from the Schumann resonances as Gaus-
sian, stationary, and unpolarized, with a power-spectral
density that can be described by a set of Lorentzians
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netic field of the Earth, which were subsequently ob-
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Earth and its ionosphere, and are excited by lightning
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to the circumference of the Earth, is at 7.8 Hz, and the
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The first mode has the strongest resonance peak, with
each consecutive peak being weaker than the previous one.
In Figure 1, we show the power spectral density seen in
low-noise magnetometers on-site at the Advanced Virgo
detector. We can clearly see the first five harmonics of
the Schumann resonances. There is a diurnal variation in
the amplitude of the Schumann resonances that corres-
ponds to electrical storms that start at similar times and
places each day [28, 29]. The amplitude of the resonance
peaks can vary by as much as a factor of two between the
loudest and quietest times of the day, depending on the
time of year and the location [27, 29, 30]. What is shown
in Figure 1 represents a trough in the height of the peaks
over the course of the day at Virgo. Despite this diurnal
variation, we will model the spectrum as stationary in
this paper for simplicity.

Figure 1. Power spectral density of magnetometer data near
the Advanced Virgo detector. The blue is the inverse-averaged
power spectral density for many 32 s chunks of data for the
period from 00:00–02:00 UTC on July 9th, 2019. We use
inverse averaging to account for possible magnetic transients
that occur during this time. We produce the orange curve
by removing the large, narrow spectral features and applying
a smoothing filter. We can clearly see five harmonics of the
Schumann resonances. The large, narrow spectral features are
caused by local magnetic noise on site at Virgo.

The Schumann resonances, being global excitations, are
coherent across the O(1000 km) distance scales between
GW detectors [19, 20]. We model the time-series induced
in magnetometers from the Schumann resonances as Gaus-
sian, stationary, and unpolarized, with a power-spectral
density that can be described by a set of Lorentzians
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If we assume that the SGWB is isotropic, Gaussian, sta-
tionary and unpolarized, then it is well-described by a
single power spectral density Sgw(f),
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where �T (f � f
0) is the finite-time approximation to the

dirac delta function, and Sgw(f) is related to the dimen-
sionless energy density as follows

Sgw(f) =
3H

2
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⌦gw(f)

f3
. (11)

Note that, for the existing detectors, the overlap reduction
function, �ij(f), accounts for all the geometric factors
that come into play when cross-correlating data from
di↵erent detectors [13].

Combining Eqs. (9)–(11), substituting into Eq. (3), and
then including the time-dependence again, we find

hĈij(f ; t)i = ⌦gw(f) + 2 Re
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T�ij(f)S0(f)
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where we have assumed that the GW signal and the
intrinsic noise are uncorrelated, hh̃

⇤
i
(f)ñj(f 0)i = 0, and

that the noise in each frequency bin is independent. It is
clear from (12) that in the absence of correlated noise, i.e.
hñ

⇤
i
(f)ñj(f)i = 0, hĈij(f)i is an estimator for ⌦gw(f).

However, this is not the case when hñ
⇤
i
(f)ñj(f)i 6= 0.

Schumann resonances are a potential source of correl-
ated magnetic noise. An estimate of the correlated mag-
netic noise contribution in the isotropic SGWB search
using data from Advanced LIGO’s first and second ob-
serving runs indicates that it is not yet an issue for current
searches [24]. However, as detectors grow more sensit-
ive, this will likely change, and the magnetic noise budget
could dominate the signal [16]. Hence, a careful treatment
of correlated magnetic noise is of vital importance.

III. SIMULATING GW DATA WITH
CORRELATED NOISE

In this section, we discuss how we simulate GW data
that is contaminated with correlated noise due to the Schu-
mann resonances. In IIIA we discuss the Schumann res-
onances and their general properties. In III B we present
a model for the coupling of magnetic fields into GW de-
tectors. In III C we show how to simulate multiple data
streams that have correlated Gaussian noise components,
and then we apply that method to our specific use case.

A. Schumann Resonances

In 1952, Schumann predicted the existence of global
extremely low frequency (ELF) peaks in the electromag-
netic field of the Earth, which were subsequently ob-
served [25, 26]. The resonances are eigenmodes of the
conducting spherical cavity formed by the surface of the
Earth and its ionosphere, and are excited by lightning
discharges [27]. The first harmonic, which corresponds
to the circumference of the Earth, is at 7.8 Hz, and the
subsequent harmonics are at 14 Hz, 20.8 Hz and 27.3 Hz.
The first mode has the strongest resonance peak, with
each consecutive peak being weaker than the previous one.
In Figure 1, we show the power spectral density seen in
low-noise magnetometers on-site at the Advanced Virgo
detector. We can clearly see the first five harmonics of
the Schumann resonances. There is a diurnal variation in
the amplitude of the Schumann resonances that corres-
ponds to electrical storms that start at similar times and
places each day [28, 29]. The amplitude of the resonance
peaks can vary by as much as a factor of two between the
loudest and quietest times of the day, depending on the
time of year and the location [27, 29, 30]. What is shown
in Figure 1 represents a trough in the height of the peaks
over the course of the day at Virgo. Despite this diurnal
variation, we will model the spectrum as stationary in
this paper for simplicity.

Figure 1. Power spectral density of magnetometer data near
the Advanced Virgo detector. The blue is the inverse-averaged
power spectral density for many 32 s chunks of data for the
period from 00:00–02:00 UTC on July 9th, 2019. We use
inverse averaging to account for possible magnetic transients
that occur during this time. We produce the orange curve
by removing the large, narrow spectral features and applying
a smoothing filter. We can clearly see five harmonics of the
Schumann resonances. The large, narrow spectral features are
caused by local magnetic noise on site at Virgo.

The Schumann resonances, being global excitations, are
coherent across the O(1000 km) distance scales between
GW detectors [19, 20]. We model the time-series induced
in magnetometers from the Schumann resonances as Gaus-
sian, stationary, and unpolarized, with a power-spectral
density that can be described by a set of Lorentzians
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A. Correlated noise model

We can rewrite Eq. (11) to include separate correlated
magnetic and uncorrelated noise terms

s̃i(f) = h̃i(f) + ñ
u
i
(f) + Ti(f)m̃i(f), (20)

where ñ
u
i
(f) is the uncorrelated noise in detector i, and

Ti(f)m̃i(f) represents the correlated magnetic noise. Sub-
stituting Eq. (20) and Eq. (15) into Eq. (3) we find

hĈij(f)i = ⌦gw(f) + ⌦M,ij(f), (21)

where ⌦M,ij(f) represents the magnetic contribution,
which we derive next.

We construct the magnetic model, ⌦M,ij(f), by first
treating local magnetometer data the same way we analyze
GW strain data. We break the magnetometer data into
T = 192 s data chunks, and we calculate the cross-power
term in the same way as Eq. (3), replacing the strain
data with local magnetometer data. That is, for the data
between tk and tk + T we calculate

M̂ij,k(f) =
2

T

Re [m̃⇤
i
(f ; tk)m̃j(f ; tk)]

�ij(f)S0(f)
. (22)

We post-process the magnetometer data with the same

weights used for post-processing the GW data, viz.

M̂ij(f) =

P
k
M̂ij,k(f)��2

ij,k
(f)

P
k
�
�2
ij,k

(f)
. (23)

The weights, �ij,k(f), are the same as those expressed in
Eq. (4). They are calculated using GW strain data and
not magnetometer data. This way we treat the magne-
tometer data the same way the magnetic contribution to
the final Ĉij(f) statistic is treated. We then use this final
measurement to construct the magnetic contribution to
the model, which is given by

⌦M,ij(f) = ij

✓
f

10 Hz

◆��i��j

M̂ij(f) ⇥ 10�22
.(24)

The factor of 10�22 assumes that the units of m̃i(f) are
T Hz�1.

B. Parameter Estimation and Model Selection

We use a parameter estimation and model selection
scheme similar to those set out in [10, 11, 35]. We choose
a Gaussian likelihood for Ĉij(f) given by

ln p(Ĉij(f)|✓gw,✓M) = �
1

2

X

f

8
><

>:

h
Ĉij(f) � ⌦gw(f,✓gw) � ⌦M,ij(f,✓M)

i2

�
2
ij

(f)
+ ln

�
2⇡�

2
ij

(f)
�
9
>=

>;
, (25)

where ✓gw and ✓M represent parameters for the GW and
magnetic models respectively. In the case where we have
cross-correlation statistics for multiple baselines, we con-
sider the total likelihood to be the product of the indi-
vidual likelihoods for each pair of detectors. The resulting
multi-baseline likelihood is given by

p({Ĉij(f)}ij2pairs|✓gw,✓M) =
Y

ij2pairs

p(Ĉij(f)|✓gw,✓M).

(26)

It is straightforward to use Eq. (26) to estimate the
posterior distribution of the parameters, ✓gw and ✓M,
either by brute-force calculation or by Markov chain Monte
Carlo (MCMC) methods [36, 37].

We will also compare di↵erent models for the data using
Bayesian model selection. The four models we consider
are:

1. NOISE: ⌦M(f) = ⌦gw(f) = 0,

2. GW: ⌦M(f) = 0, ⌦gw(f) 6= 0,

3. SCHU: ⌦M(f) 6= 0, ⌦gw(f) = 0,

4. GW+SCHU: ⌦M(f) 6= 0, ⌦gw(f) 6= 0.

The form of the SGWB model, ⌦gw(f), is the power law
in Eq. (2), with ✓gw = ⌦2/3 and ↵ = 2/3 fixed. The form
of ⌦M(f) is given by Eq. (24) with ✓M = (i, j , �i, �j)
when two detectors are involved. Another set of coupling
parameters are included when a third detector is used.

We compare these models using Bayes factors [38]. For
example, comparing the GW model to the NOISE model
we have

B
GW
NOISE =

R
d✓gwp(Ĉij(f)|✓gw)p(✓gw)

N
(27)

where N is given by evaluating Eq. (25) for ⌦M(f) =
⌦gw(f) = 0, and p(✓gw) is the prior on the GW model
parameters. When B

GW
NOISE > 1 there is support for the

GW model compared to the NOISE model. A further
discussion of interpretation of Bayes factors can be found
in, e.g. chapter 3 of [14]. In this paper, we will consider
“strong” support for one model over another when ln B > 8.
The numerator of Eq. (27) is referred to as the evidence
of the GW model and is denoted ZGW. The prior distri-
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method provides a check on whether a proposed SGWB
signal is consistent with an isotropic SGWB or if it is
more consistent with environmental disturbances. Such a
method o↵ers complementary information to approaches
that attempt to subtract or mitigate correlated noise.

In this paper, we take a di↵erent tact. We model the
contribution of correlated magnetic noise from Schumann
resonances to the frequency-domain SGWB estimator
used by most searches [22]. We propose a method to sim-
ultaneously detect correlated magnetic noise and a SGWB
using local on-site magnetometers and current SGWB
search data products. We then demonstrate this method
using realistic time-domain and frequency-domain syn-
thetic data sets with varying levels of correlated magnetic
noise. Such a method o↵ers an alternative to Wiener filer-
ing, but could also be used on data that has already had
Wiener filtering subtraction applied, given that Wiener
filtering in the low signal-to-noise regime can result in
imperfect subtraction [20].

The rest of this paper is organized as follows. In Sec-
tion II, we introduce the cross-correlation statistic used in
SGWB searches, and highlight complications introduced
by correlated detector noise. In Section III, we explain
the Schumann resonances and their coupling to the detect-
ors, and we present the way we model this coupling. We
then present a method of simulating synthetic time series
data that includes a correlated magnetic spectrum in a
multi-detector network. In Section IV, we discuss a model
for the SGWB search statistic that includes correlated
magnetic noise, and demonstrate how we use that model
to co-detect the presence of correlated magnetic noise and
a SGWB. We present results on synthetic data in Sec-
tion V, and finish with a brief discussion and suggestions
for future work in Section VI.

II. SGWB AND SEARCH METHODS

If we assume the SGWB is isotropic, Gaussian, station-
ary, and unpolarized, then it is fully characterized by the
dimensionless energy density per logarithmic frequency
interval

⌦gw(f) =
1

⇢c

d⇢gw(f)

dln(f)
, (1)

where d⇢gw is the GW energy density in the frequency
interval ln f to ln f +d ln f , and ⇢c = 3H2

0 c
2
/(8⇡G) is the

critical energy density to close the Universe. It is common
to model the SGWB spectrum as a power law:

⌦gw(f) = ⌦↵

✓
f

fref

◆↵

, (2)

where ⌦↵ is the amplitude at a reference frequency, fref ,
and ↵ is the spectral index. We will use fref = 25 Hz.

Unresolved CBCs give a background spectrum with
↵ = 2/3; slow roll inflation models and cosmic strings
predict ↵ = 0. It is also common to consider a model

that is flat in GW power, which corresponds to ↵ = 3,
to mimic signals like those from phase transitions and
supernovae [8]. Recent estimates suggest that the SGWB
could be detected by the Advanced LIGO and Advanced
Virgo detector network once these detectors reach design
sensitivity and integrate for O(years) [7].

In what follows, we consider a SGWB search that uses a
cross-correlation estimator that is optimal for a Gaussian,
stationary, unpolarized and isotropic background. Our
estimator, Ĉij(f), for the SGWB measured from detectors
i and j is

Ĉij(f ; t) =
2

T

Re[s̃⇤
i
(f ; t)s̃j(f ; t)]

�ij(f)S0(f)
, (3)

where s̃i(f ; t) is the Fourier transform of the strain time
series in detector i starting at time t, �ij(f) is the
normalized overlap reduction function (ORF) [13, 23]
between detectors i and j, T is the duration over which
the Fourier transform is taken, and S0(f) is the spec-
tral shape for a SGWB that is flat in energy density,
S0(f) = 3H

2
0/(10⇡

2
f
3).

In the limit where the total GW strain amplitude in
detector i, h̃i(f), is much less than the intrinsic detector
noise, ñi(f), the variance of Ĉij(f ; t) is given by

�
2
ij

(f ; t) =
1

2�fT

Pi(f ; t)Pj(f ; t)

�ij(f)2S0(f)2
, (4)

where Pi(f ; t) is the one-sided power spectral density
(PSD) of detector i between times t and t + T , and �f is
the frequency resolution.

In general, Eq. (3) and Eq. (4) are estimated for many
short time-segments of T = 192 s and these segments are
optimally combined in a post-processing step given by

Ĉij(f) =

P
k
Ĉij,k(f)��2

ij,k
(f)

P
k
�
�2
ij,k

(f)
, (5)

�ij(f) =

 
X

k

�
�2
ij,k

(f)

!�1/2

, (6)

where k indexes the time segments. For a set of Nt time
segments starting at times {tk}

k=Nt
k=1 , we have defined

Ĉij,k(f) = Ĉij(f ; tk), and likewise for its variance.
It is worth considering the expectation value of the

estimator, hĈij(f)i, in some detail (we will suppress the
time-dependence for brevity). Let us assume that s̃i(f)
can be written as

s̃i(f) = h̃i(f) + ñi(f), (7)

where ñi(f) is the Fourier transform of the instrument
noise in detector i, and

h̃i(f) =
X

A

Z
d2

r̂ F
A

i
(f, r̂)h̃A(f, r̂)e�2⇡if~xi·~r/c (8)

is the total GW signal in detector i located at ~xi. Here
F

A

i
(f, r̂) is the response of detector i to a plane-wave
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traveling in direction r̂ with polarization A, and h̃A(f, r̂)
is the Fourier amplitude of that plane wave. Consequently,

hs̃
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i
(f)s̃j(f

0)i = hh̃
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If we assume that the SGWB is isotropic, Gaussian, sta-
tionary and unpolarized, then it is well-described by a
single power spectral density Sgw(f),

hh̃
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(f)h̃j(f

0)i =
1

2
�T (f � f

0)�ij(f)Sgw(f), (10)

where �T (f � f
0) is the finite-time approximation to the

dirac delta function, and Sgw(f) is related to the dimen-
sionless energy density as follows

Sgw(f) =
3H

2
0

10⇡2

⌦gw(f)

f3
. (11)

Note that, for the existing detectors, the overlap reduction
function, �ij(f), accounts for all the geometric factors
that come into play when cross-correlating data from
di↵erent detectors [13].

Combining Eqs. (9)–(11), substituting into Eq. (3), and
then including the time-dependence again, we find

hĈij(f ; t)i = ⌦gw(f) + 2 Re


hñ

⇤
i
(f ; t)ñj(f ; t)i

T�ij(f)S0(f)

�
, (12)

where we have assumed that the GW signal and the
intrinsic noise are uncorrelated, hh̃

⇤
i
(f)ñj(f 0)i = 0, and

that the noise in each frequency bin is independent. It is
clear from (12) that in the absence of correlated noise, i.e.
hñ

⇤
i
(f)ñj(f)i = 0, hĈij(f)i is an estimator for ⌦gw(f).

However, this is not the case when hñ
⇤
i
(f)ñj(f)i 6= 0.

Schumann resonances are a potential source of correl-
ated magnetic noise. An estimate of the correlated mag-
netic noise contribution in the isotropic SGWB search
using data from Advanced LIGO’s first and second ob-
serving runs indicates that it is not yet an issue for current
searches [24]. However, as detectors grow more sensit-
ive, this will likely change, and the magnetic noise budget
could dominate the signal [16]. Hence, a careful treatment
of correlated magnetic noise is of vital importance.

III. SIMULATING GW DATA WITH
CORRELATED NOISE

In this section, we discuss how we simulate GW data
that is contaminated with correlated noise due to the Schu-
mann resonances. In IIIA we discuss the Schumann res-
onances and their general properties. In III B we present
a model for the coupling of magnetic fields into GW de-
tectors. In III C we show how to simulate multiple data
streams that have correlated Gaussian noise components,
and then we apply that method to our specific use case.

A. Schumann Resonances

In 1952, Schumann predicted the existence of global
extremely low frequency (ELF) peaks in the electromag-
netic field of the Earth, which were subsequently ob-
served [25, 26]. The resonances are eigenmodes of the
conducting spherical cavity formed by the surface of the
Earth and its ionosphere, and are excited by lightning
discharges [27]. The first harmonic, which corresponds
to the circumference of the Earth, is at 7.8 Hz, and the
subsequent harmonics are at 14 Hz, 20.8 Hz and 27.3 Hz.
The first mode has the strongest resonance peak, with
each consecutive peak being weaker than the previous one.
In Figure 1, we show the power spectral density seen in
low-noise magnetometers on-site at the Advanced Virgo
detector. We can clearly see the first five harmonics of
the Schumann resonances. There is a diurnal variation in
the amplitude of the Schumann resonances that corres-
ponds to electrical storms that start at similar times and
places each day [28, 29]. The amplitude of the resonance
peaks can vary by as much as a factor of two between the
loudest and quietest times of the day, depending on the
time of year and the location [27, 29, 30]. What is shown
in Figure 1 represents a trough in the height of the peaks
over the course of the day at Virgo. Despite this diurnal
variation, we will model the spectrum as stationary in
this paper for simplicity.

Figure 1. Power spectral density of magnetometer data near
the Advanced Virgo detector. The blue is the inverse-averaged
power spectral density for many 32 s chunks of data for the
period from 00:00–02:00 UTC on July 9th, 2019. We use
inverse averaging to account for possible magnetic transients
that occur during this time. We produce the orange curve
by removing the large, narrow spectral features and applying
a smoothing filter. We can clearly see five harmonics of the
Schumann resonances. The large, narrow spectral features are
caused by local magnetic noise on site at Virgo.

The Schumann resonances, being global excitations, are
coherent across the O(1000 km) distance scales between
GW detectors [19, 20]. We model the time-series induced
in magnetometers from the Schumann resonances as Gaus-
sian, stationary, and unpolarized, with a power-spectral
density that can be described by a set of Lorentzians
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If we assume that the SGWB is isotropic, Gaussian, sta-
tionary and unpolarized, then it is well-described by a
single power spectral density Sgw(f),
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sionless energy density as follows

Sgw(f) =
3H

2
0

10⇡2

⌦gw(f)

f3
. (11)

Note that, for the existing detectors, the overlap reduction
function, �ij(f), accounts for all the geometric factors
that come into play when cross-correlating data from
di↵erent detectors [13].

Combining Eqs. (9)–(11), substituting into Eq. (3), and
then including the time-dependence again, we find
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hñ

⇤
i
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where we have assumed that the GW signal and the
intrinsic noise are uncorrelated, hh̃
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that the noise in each frequency bin is independent. It is
clear from (12) that in the absence of correlated noise, i.e.
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(f)ñj(f)i 6= 0.

Schumann resonances are a potential source of correl-
ated magnetic noise. An estimate of the correlated mag-
netic noise contribution in the isotropic SGWB search
using data from Advanced LIGO’s first and second ob-
serving runs indicates that it is not yet an issue for current
searches [24]. However, as detectors grow more sensit-
ive, this will likely change, and the magnetic noise budget
could dominate the signal [16]. Hence, a careful treatment
of correlated magnetic noise is of vital importance.

III. SIMULATING GW DATA WITH
CORRELATED NOISE

In this section, we discuss how we simulate GW data
that is contaminated with correlated noise due to the Schu-
mann resonances. In IIIA we discuss the Schumann res-
onances and their general properties. In III B we present
a model for the coupling of magnetic fields into GW de-
tectors. In III C we show how to simulate multiple data
streams that have correlated Gaussian noise components,
and then we apply that method to our specific use case.

A. Schumann Resonances

In 1952, Schumann predicted the existence of global
extremely low frequency (ELF) peaks in the electromag-
netic field of the Earth, which were subsequently ob-
served [25, 26]. The resonances are eigenmodes of the
conducting spherical cavity formed by the surface of the
Earth and its ionosphere, and are excited by lightning
discharges [27]. The first harmonic, which corresponds
to the circumference of the Earth, is at 7.8 Hz, and the
subsequent harmonics are at 14 Hz, 20.8 Hz and 27.3 Hz.
The first mode has the strongest resonance peak, with
each consecutive peak being weaker than the previous one.
In Figure 1, we show the power spectral density seen in
low-noise magnetometers on-site at the Advanced Virgo
detector. We can clearly see the first five harmonics of
the Schumann resonances. There is a diurnal variation in
the amplitude of the Schumann resonances that corres-
ponds to electrical storms that start at similar times and
places each day [28, 29]. The amplitude of the resonance
peaks can vary by as much as a factor of two between the
loudest and quietest times of the day, depending on the
time of year and the location [27, 29, 30]. What is shown
in Figure 1 represents a trough in the height of the peaks
over the course of the day at Virgo. Despite this diurnal
variation, we will model the spectrum as stationary in
this paper for simplicity.

Figure 1. Power spectral density of magnetometer data near
the Advanced Virgo detector. The blue is the inverse-averaged
power spectral density for many 32 s chunks of data for the
period from 00:00–02:00 UTC on July 9th, 2019. We use
inverse averaging to account for possible magnetic transients
that occur during this time. We produce the orange curve
by removing the large, narrow spectral features and applying
a smoothing filter. We can clearly see five harmonics of the
Schumann resonances. The large, narrow spectral features are
caused by local magnetic noise on site at Virgo.

The Schumann resonances, being global excitations, are
coherent across the O(1000 km) distance scales between
GW detectors [19, 20]. We model the time-series induced
in magnetometers from the Schumann resonances as Gaus-
sian, stationary, and unpolarized, with a power-spectral
density that can be described by a set of Lorentzians
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If we assume that the SGWB is isotropic, Gaussian, sta-
tionary and unpolarized, then it is well-described by a
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Note that, for the existing detectors, the overlap reduction
function, �ij(f), accounts for all the geometric factors
that come into play when cross-correlating data from
di↵erent detectors [13].

Combining Eqs. (9)–(11), substituting into Eq. (3), and
then including the time-dependence again, we find

hĈij(f ; t)i = ⌦gw(f) + 2 Re


hñ

⇤
i
(f ; t)ñj(f ; t)i

T�ij(f)S0(f)

�
, (12)

where we have assumed that the GW signal and the
intrinsic noise are uncorrelated, hh̃

⇤
i
(f)ñj(f 0)i = 0, and

that the noise in each frequency bin is independent. It is
clear from (12) that in the absence of correlated noise, i.e.
hñ

⇤
i
(f)ñj(f)i = 0, hĈij(f)i is an estimator for ⌦gw(f).

However, this is not the case when hñ
⇤
i
(f)ñj(f)i 6= 0.

Schumann resonances are a potential source of correl-
ated magnetic noise. An estimate of the correlated mag-
netic noise contribution in the isotropic SGWB search
using data from Advanced LIGO’s first and second ob-
serving runs indicates that it is not yet an issue for current
searches [24]. However, as detectors grow more sensit-
ive, this will likely change, and the magnetic noise budget
could dominate the signal [16]. Hence, a careful treatment
of correlated magnetic noise is of vital importance.

III. SIMULATING GW DATA WITH
CORRELATED NOISE

In this section, we discuss how we simulate GW data
that is contaminated with correlated noise due to the Schu-
mann resonances. In IIIA we discuss the Schumann res-
onances and their general properties. In III B we present
a model for the coupling of magnetic fields into GW de-
tectors. In III C we show how to simulate multiple data
streams that have correlated Gaussian noise components,
and then we apply that method to our specific use case.

A. Schumann Resonances

In 1952, Schumann predicted the existence of global
extremely low frequency (ELF) peaks in the electromag-
netic field of the Earth, which were subsequently ob-
served [25, 26]. The resonances are eigenmodes of the
conducting spherical cavity formed by the surface of the
Earth and its ionosphere, and are excited by lightning
discharges [27]. The first harmonic, which corresponds
to the circumference of the Earth, is at 7.8 Hz, and the
subsequent harmonics are at 14 Hz, 20.8 Hz and 27.3 Hz.
The first mode has the strongest resonance peak, with
each consecutive peak being weaker than the previous one.
In Figure 1, we show the power spectral density seen in
low-noise magnetometers on-site at the Advanced Virgo
detector. We can clearly see the first five harmonics of
the Schumann resonances. There is a diurnal variation in
the amplitude of the Schumann resonances that corres-
ponds to electrical storms that start at similar times and
places each day [28, 29]. The amplitude of the resonance
peaks can vary by as much as a factor of two between the
loudest and quietest times of the day, depending on the
time of year and the location [27, 29, 30]. What is shown
in Figure 1 represents a trough in the height of the peaks
over the course of the day at Virgo. Despite this diurnal
variation, we will model the spectrum as stationary in
this paper for simplicity.

Figure 1. Power spectral density of magnetometer data near
the Advanced Virgo detector. The blue is the inverse-averaged
power spectral density for many 32 s chunks of data for the
period from 00:00–02:00 UTC on July 9th, 2019. We use
inverse averaging to account for possible magnetic transients
that occur during this time. We produce the orange curve
by removing the large, narrow spectral features and applying
a smoothing filter. We can clearly see five harmonics of the
Schumann resonances. The large, narrow spectral features are
caused by local magnetic noise on site at Virgo.

The Schumann resonances, being global excitations, are
coherent across the O(1000 km) distance scales between
GW detectors [19, 20]. We model the time-series induced
in magnetometers from the Schumann resonances as Gaus-
sian, stationary, and unpolarized, with a power-spectral
density that can be described by a set of Lorentzians

what if:
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A. Correlated noise model

We can rewrite Eq. (11) to include separate correlated
magnetic and uncorrelated noise terms

s̃i(f) = h̃i(f) + ñ
u
i
(f) + Ti(f)m̃i(f), (20)

where ñ
u
i
(f) is the uncorrelated noise in detector i, and

Ti(f)m̃i(f) represents the correlated magnetic noise. Sub-
stituting Eq. (20) and Eq. (15) into Eq. (3) we find

hĈij(f)i = ⌦gw(f) + ⌦M,ij(f), (21)

where ⌦M,ij(f) represents the magnetic contribution,
which we derive next.

We construct the magnetic model, ⌦M,ij(f), by first
treating local magnetometer data the same way we analyze
GW strain data. We break the magnetometer data into
T = 192 s data chunks, and we calculate the cross-power
term in the same way as Eq. (3), replacing the strain
data with local magnetometer data. That is, for the data
between tk and tk + T we calculate

M̂ij,k(f) =
2

T

Re [m̃⇤
i
(f ; tk)m̃j(f ; tk)]

�ij(f)S0(f)
. (22)

We post-process the magnetometer data with the same

weights used for post-processing the GW data, viz.

M̂ij(f) =

P
k
M̂ij,k(f)��2

ij,k
(f)

P
k
�
�2
ij,k

(f)
. (23)

The weights, �ij,k(f), are the same as those expressed in
Eq. (4). They are calculated using GW strain data and
not magnetometer data. This way we treat the magne-
tometer data the same way the magnetic contribution to
the final Ĉij(f) statistic is treated. We then use this final
measurement to construct the magnetic contribution to
the model, which is given by

⌦M,ij(f) = ij

✓
f

10 Hz

◆��i��j

M̂ij(f) ⇥ 10�22
.(24)

The factor of 10�22 assumes that the units of m̃i(f) are
T Hz�1.

B. Parameter Estimation and Model Selection

We use a parameter estimation and model selection
scheme similar to those set out in [10, 11, 35]. We choose
a Gaussian likelihood for Ĉij(f) given by

ln p(Ĉij(f)|✓gw,✓M) = �
1

2

X

f

8
><

>:

h
Ĉij(f) � ⌦gw(f,✓gw) � ⌦M,ij(f,✓M)

i2

�
2
ij

(f)
+ ln

�
2⇡�

2
ij

(f)
�
9
>=

>;
, (25)

where ✓gw and ✓M represent parameters for the GW and
magnetic models respectively. In the case where we have
cross-correlation statistics for multiple baselines, we con-
sider the total likelihood to be the product of the indi-
vidual likelihoods for each pair of detectors. The resulting
multi-baseline likelihood is given by

p({Ĉij(f)}ij2pairs|✓gw,✓M) =
Y

ij2pairs

p(Ĉij(f)|✓gw,✓M).

(26)

It is straightforward to use Eq. (26) to estimate the
posterior distribution of the parameters, ✓gw and ✓M,
either by brute-force calculation or by Markov chain Monte
Carlo (MCMC) methods [36, 37].

We will also compare di↵erent models for the data using
Bayesian model selection. The four models we consider
are:

1. NOISE: ⌦M(f) = ⌦gw(f) = 0,

2. GW: ⌦M(f) = 0, ⌦gw(f) 6= 0,

3. SCHU: ⌦M(f) 6= 0, ⌦gw(f) = 0,

4. GW+SCHU: ⌦M(f) 6= 0, ⌦gw(f) 6= 0.

The form of the SGWB model, ⌦gw(f), is the power law
in Eq. (2), with ✓gw = ⌦2/3 and ↵ = 2/3 fixed. The form
of ⌦M(f) is given by Eq. (24) with ✓M = (i, j , �i, �j)
when two detectors are involved. Another set of coupling
parameters are included when a third detector is used.

We compare these models using Bayes factors [38]. For
example, comparing the GW model to the NOISE model
we have

B
GW
NOISE =

R
d✓gwp(Ĉij(f)|✓gw)p(✓gw)

N
(27)

where N is given by evaluating Eq. (25) for ⌦M(f) =
⌦gw(f) = 0, and p(✓gw) is the prior on the GW model
parameters. When B

GW
NOISE > 1 there is support for the

GW model compared to the NOISE model. A further
discussion of interpretation of Bayes factors can be found
in, e.g. chapter 3 of [14]. In this paper, we will consider
“strong” support for one model over another when ln B > 8.
The numerator of Eq. (27) is referred to as the evidence
of the GW model and is denoted ZGW. The prior distri-
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Parameter Prior
⌦CBC LU(10�10
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� LU(10�2
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⌦ref LogUniform(10�10, 10�7)
A LogUniform(10�3, 100.5)

k⇤/Mpc�1 LogUniform(1013, 1021)
� LogUniform(0.05, 5)

⌦GW(f) =
f

⇢c,0

Z zmax

0
z

Z
lnm1 lnm2

p(m1)p(m2)

(1 + z)H(z)

d
2
REB/LB

d lnm1d lnm2

EGW

fr
(138)

fr = (1 + z)f (139)

d
2
REB

d lnm1d lnm2
=

1.6⇥ 10
6

Gpc3yr
f
53/37
PBH

h
t

t0

i�34/37
✓
m1 +m2

M�

◆�32/37 
m1m2

(m1 +m2)
2

��34/37

S(m1,m2, fPBH)

(140)

d
2
RLB

d lnm1d lnm2
=

Rclust

Gpc3yr
f
2
PBH

(m1 +m2)
10/7

(m1m2)
5/7

(141)

p(⌦̂
IJ
GW,fi |✓,�) / exp

2

4�1

2

X

IJ

X

fi

 
⌦̂

IJ
GW,fi

� �⌦GW(fi|✓)
�
IJ
fi

!2
3

5 (142)

SNR ⇠
p
Tobs (143)

P⇣(k) =
Ap
2⇡�

exp


� ln

2
(k/k⇤)

2�2

�
, (144)

ln p(ĈIJ |✓,�) /
X

i

h
ĈIJ(fi)� �⌦GW(fi,✓)

i2

�
2
IJ(fi)

, (145)

�(z, f) =

Z

✓

Z z

0
�T (z

0
, f, ✓)

dR
o
(z

0
, ✓)

dz0
dz

0
d✓ (146)

⌦GW(f) =
f

⇢c

Z

✓

Z zmax

0

R(z)(dEs/dfs)|fs
(1 + z)H(z)

dzd✓ , (147)

Assume the cross-correlation 
estimator is Gaussian-distributed

2

method provides a check on whether a proposed SGWB
signal is consistent with an isotropic SGWB or if it is
more consistent with environmental disturbances. Such a
method o↵ers complementary information to approaches
that attempt to subtract or mitigate correlated noise.

In this paper, we take a di↵erent tact. We model the
contribution of correlated magnetic noise from Schumann
resonances to the frequency-domain SGWB estimator
used by most searches [22]. We propose a method to sim-
ultaneously detect correlated magnetic noise and a SGWB
using local on-site magnetometers and current SGWB
search data products. We then demonstrate this method
using realistic time-domain and frequency-domain syn-
thetic data sets with varying levels of correlated magnetic
noise. Such a method o↵ers an alternative to Wiener filer-
ing, but could also be used on data that has already had
Wiener filtering subtraction applied, given that Wiener
filtering in the low signal-to-noise regime can result in
imperfect subtraction [20].

The rest of this paper is organized as follows. In Sec-
tion II, we introduce the cross-correlation statistic used in
SGWB searches, and highlight complications introduced
by correlated detector noise. In Section III, we explain
the Schumann resonances and their coupling to the detect-
ors, and we present the way we model this coupling. We
then present a method of simulating synthetic time series
data that includes a correlated magnetic spectrum in a
multi-detector network. In Section IV, we discuss a model
for the SGWB search statistic that includes correlated
magnetic noise, and demonstrate how we use that model
to co-detect the presence of correlated magnetic noise and
a SGWB. We present results on synthetic data in Sec-
tion V, and finish with a brief discussion and suggestions
for future work in Section VI.

II. SGWB AND SEARCH METHODS

If we assume the SGWB is isotropic, Gaussian, station-
ary, and unpolarized, then it is fully characterized by the
dimensionless energy density per logarithmic frequency
interval

⌦gw(f) =
1

⇢c

d⇢gw(f)

dln(f)
, (1)

where d⇢gw is the GW energy density in the frequency
interval ln f to ln f +d ln f , and ⇢c = 3H2

0 c
2
/(8⇡G) is the

critical energy density to close the Universe. It is common
to model the SGWB spectrum as a power law:

⌦gw(f) = ⌦↵

✓
f

fref

◆↵

, (2)

where ⌦↵ is the amplitude at a reference frequency, fref ,
and ↵ is the spectral index. We will use fref = 25 Hz.

Unresolved CBCs give a background spectrum with
↵ = 2/3; slow roll inflation models and cosmic strings
predict ↵ = 0. It is also common to consider a model

that is flat in GW power, which corresponds to ↵ = 3,
to mimic signals like those from phase transitions and
supernovae [8]. Recent estimates suggest that the SGWB
could be detected by the Advanced LIGO and Advanced
Virgo detector network once these detectors reach design
sensitivity and integrate for O(years) [7].

In what follows, we consider a SGWB search that uses a
cross-correlation estimator that is optimal for a Gaussian,
stationary, unpolarized and isotropic background. Our
estimator, Ĉij(f), for the SGWB measured from detectors
i and j is

Ĉij(f ; t) =
2

T

Re[s̃⇤
i
(f ; t)s̃j(f ; t)]

�ij(f)S0(f)
, (3)

where s̃i(f ; t) is the Fourier transform of the strain time
series in detector i starting at time t, �ij(f) is the
normalized overlap reduction function (ORF) [13, 23]
between detectors i and j, T is the duration over which
the Fourier transform is taken, and S0(f) is the spec-
tral shape for a SGWB that is flat in energy density,
S0(f) = 3H

2
0/(10⇡

2
f
3).

In the limit where the total GW strain amplitude in
detector i, h̃i(f), is much less than the intrinsic detector
noise, ñi(f), the variance of Ĉij(f ; t) is given by

�
2
ij

(f ; t) =
1

2�fT

Pi(f ; t)Pj(f ; t)

�ij(f)2S0(f)2
, (4)

where Pi(f ; t) is the one-sided power spectral density
(PSD) of detector i between times t and t + T , and �f is
the frequency resolution.

In general, Eq. (3) and Eq. (4) are estimated for many
short time-segments of T = 192 s and these segments are
optimally combined in a post-processing step given by

Ĉij(f) =

P
k
Ĉij,k(f)��2

ij,k
(f)

P
k
�
�2
ij,k

(f)
, (5)

�ij(f) =

 
X

k

�
�2
ij,k

(f)

!�1/2

, (6)

where k indexes the time segments. For a set of Nt time
segments starting at times {tk}

k=Nt
k=1 , we have defined

Ĉij,k(f) = Ĉij(f ; tk), and likewise for its variance.
It is worth considering the expectation value of the

estimator, hĈij(f)i, in some detail (we will suppress the
time-dependence for brevity). Let us assume that s̃i(f)
can be written as

s̃i(f) = h̃i(f) + ñi(f), (7)

where ñi(f) is the Fourier transform of the instrument
noise in detector i, and

h̃i(f) =
X

A

Z
d2

r̂ F
A

i
(f, r̂)h̃A(f, r̂)e�2⇡if~xi·~r/c (8)

is the total GW signal in detector i located at ~xi. Here
F

A

i
(f, r̂) is the response of detector i to a plane-wave

Parameter estimation: hybrid approach that combines frequentist and Bayesian analysis techniques

likelihood function:
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FIG. 2. Cross-correlation spectrum obtained from O1 to O4a data. The black lines denote the boundaries of the 1� region: the
dotted line shows results calculated from O4a data, while the solid line corresponds to the full O1�O4a dataset. The spectrum
remains consistent with 0 across all frequency bins, indicating no evidence of a signal. The left panel shows the spectrum over
the 20�160 Hz range, while the right panel zooms in on frequencies below 60 Hz to highlight the contribution from O4a data
at these frequencies.

Power law fO4a
99% [Hz] ⌦̂O4a

/10�9 fO1�O4a
99% [Hz] ⌦̂O1�O4a

/10�9

0 54.8 �2.2 ± 5.8 58.2 �1.3 ± 4.7
2/3 83.6 �1.6 ± 4.5 86.8 �1.2 ± 3.5
3 376.7 �0.1 ± 0.8 336.6 �0.3 ± 0.6

TABLE II. Search results for an isotropic GWB using cross-correlation optimal filtering for power-law GWBs with ↵ = 0, 2/3, 3.
For each case, we report the point estimate and associated 1� uncertainty of the amplitude ⌦̂↵ at 25Hz, along with the frequency
range from 20Hz to f99%, which contains 99% of the total sensitivity. These estimates are derived by combining the individual
values from independent frequency bins following Eq. (11). The final two columns show results obtained by combining data
from all observing runs (O1�O4a) following the prescription shown in [74] ( Eq. (7)). Note that Virgo data contributed to the
O3 measurements, implying three separate baseline contributions to the O3 results.

• ↵ = 2/3 characterizes the CBC GWB when the
inspiral phase dominates, which is a good approxi-
mation in the LVK frequency band [161]. However,
this approximation may break down for mergers of
binaries originating from Population III stars [162]
or for heavy BBH mergers with masses exceeding
the pair-instability mass gap [163].

• ↵ = 3 is a fiducial choice which provides an ap-
proximate description of a subset of astrophysical
sources, such as supernovae [8, 164]. It also corre-
sponds to a GWB with a flat strain power spectral
density, following Sh(f) / f

�3⌦GW(f) [108]. This
is the spectral shape detectors are most sensitive to
by construction, as the optimal filter depends solely
on the noise PSD, hence frequencies are weighted
according to the detector sensitivity thereby maxi-
mizing the cross-correlation search sensitivity.

The point estimate spectrum ⌦̂0(f) computed as de-
fined in Eq. (7) is shown in Fig. 2. The 1� contours
calculated from O4a data as well as the entire O1�O4a
dataset are compatible with 0, as expected in the pres-
ence of uncorrelated noise and in the absence of a corre-

lated gravitational-wave signal. This behavior is consis-
tent with the expectation that, after applying the data
quality cuts described in Section III, the data remain
dominated by Gaussian noise. This is further demon-
strated by the Kolmogorov-Smirnov (KS) test, which re-
turns a p-value of p = 0.99 in favour of Gaussianity.
Point estimates ⌦̂↵ and 1� uncertainty using the O4a

data only as well as combined results from all the ad-
vanced observing runs are presented in Table II. Point
estimates for all spectral models are consistent with 0
within 1�, which implies no detection of a GWB. We also
report the upper edge of the frequency band that con-
tributes 99% of the sensitivity to each spectral-weighted
search, f99%.
We observe a decrease in variance with increasing spec-

tral index, which is expected since, as mentioned above,
our search is most sensitive to a flat strain spectrum
(↵ = 3). Notably, the sensitivity improvement compared
to O1�O3 results is a factor of 1.6 for ↵ = 0, 1.6 for
↵ = 2/3, and 1.4 for ↵ = 3. This is driven by the fact
that the most significant sensitivity enhancement in our
detectors occurred at lower frequencies [131], below 40
Hz, as discussed below.
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GWB from first order phase transition (FOPT)

True vacuum False vacuum

Bubble nucleation

V(φ)

φ

Many compelling extensions of the Standard Model predict strong FOPTs (e.g., GUTs, SUSY, extra dimensions, 
composite Higgs models, models with extended Higgs sector) 

- Βubbles nucleate and grow
- Bubbles expand in the plasma --> reaction front form
- Bubbles + fronts collide
- Sound waves in the plasma
- Endgame: turbulence
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Sources of GWs:
- Sound waves (coupling between scalar field and thermal bath)
- Bubble collisions
- Magnetohydrodynamic turbulence

GWB: broken power law with peak frequency f* mainly determined by temperature of  FOPT

If                                                      (not accessible by LHC) : GWB is within LIGO/VIRGO

No evidence for a combined FPPT + CBC GWB in O1-O4a the data

O1-O4a data exclude at 95% CL part of the parameter space of the bubble collision dominated 
phase transitions, especially the region of TPT ≳ 10^8 GeV and β/HPT ≲ 3

LVK Collaboration, arXiv:2510.26848 

1

⌦bpl(f) = ⌦⇤

⇣
f

f⇤

⌘n1

"
1 +

⇣
f

f⇤

⌘�
#(n2�n1)/�

, (1)

amplitude (strain) h / luminosity distance dL (2)

mg  2.42⇥ 10
�23

eV/c
2

(3)

d
GW
L d

EM
L (4)

⌦Scalar(f) / A
2

(5)

p = w⇢ (6)

SNR ⇠
p
Tobs (7)

⌦GW(f,✓) = ⌦CBC(f,⌦ref ,↵) + ⌦Cosmo(f,✓Cosmo) (8)

⌦GW(f) = ⌦ref

✓
f

fref

◆2/3

(9)

Gµ & (4.5⇥ 10
�9 ⇠ 5.1⇥ 10

�7
) (10)

1  Nk  200 (11)

Gµ & (2.7 ⇠ 4.2)⇥ 10
�15

(12)

Gµ & (1.5� 3.2)⇥ 10
�15

(13)

Gµ & (3.4 ⇠ 5.5)⇥ 10
�15

(14)

3H
2
0

10⇡2

⌦gw(f)

f3
(15)

⌦CBC(25Hz) = 0.9
+1.1
�0.5 ⇥ 10

�9
(16)

⌦BBH(25Hz) = 0.8
+1.1
�0.5 ⇥ 10

�9
(17)

⌦GW(⌫) = ⌦ref

✓
⌫

⌫ref

◆↵

(18)

GWB from first order phase transition (FOPT)

Hindmarsh et al (2015)
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Model: Numerical simulations
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No evidence for a combined FPPT + CBC GWB in O1-O4a the data

main parameters: strength α of PT -- inverse duration β of PT – temperature T of PT -- bubble wall velocity u

O1-O4a data exclude at 95% CL part of the parameter space of the bubble collision dominated 
phase transitions, especially the region of TPT ≳ 10^8 GeV and β/HPT ≲ 3

LVK Collaboration, arXiv:2510.26848 
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No evidence for a combined first 
order phase transition plus CBC 

GWB in the O1-O4a data
The data excludes at 95% CL part of the parameter space of the bubble collision 
dominated FOPT, especially the region of                                   and 

GWB from first order phase transition (FOPT)

Bayesian analysis
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LVK Collaboration, PRX 16, 041023 (2026)
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No evidence for a combined FPPT + CBC GWB in O1-O4a the data

O1-O4a data exclude at 95% CL part of the parameter space of the bubble collision dominated 
phase transitions, especially the region of TPT ≳ 10^8 GeV and β/HPT ≲ 3

LVK Collaboration, arXiv:2510.26848 

No evidence for a combined first 
order phase transition plus CBC 

GWB in the O1-O4a data

Example: supercooled PT
(often duration of FOPT increases,
hence enhancement of GW signal)

- minimal U(1)    extension of the SM gauge group

- radiatively broken U(1) Peccei-Quinn symmetry

B-L

well-motivated PP models: 
- dark matter puzzle
- strong CP problem                  
- origin of neutrino masses
- unification of forces

Constrain parameters of particle physics models using GW data

Badger, Sakellariadou, et al, PRD 107 (2022) 023511 

GWB from first order phase transition (FOPT)

LVK Collaboration, PRX 16, 041023 (2026)
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1dim topological defects formed in the early universe as a result of a PT followed 
by SSB, characterised by a vacuum manifold with non-contractible closed curves

Generically formed in the context of GUTs
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ρGW ∼ ḣ2 (49)

h̃(f) = A exp(iφ) (50)

⟨h̃(f)⟩ = 0 (51)

ΩGW ∼ ⟨h̃h̃⋆⟩ = A2 (52)

3

α = 0 (35)

α = 2/3 (36)

w

α = 3 (37)

Ξ0 (38)

G → · · · → GSM (39)

π1(M) ̸= 0 (40)

dEGW

dν
=

(Gπ)2/3

3

m1m2

(m1 +m2)1/3
ν−1/3 (41)

Gµ ∼ T 2
SSB (42)

τ ∼ ℓ

Gµ
(43)

M × F (44)

(A,H,D) (45)

σj(φ) = ρje
iθj (46)

Vj ∼ ℓ3Pj
3/2 (47)

j ∈ 2N0 + 1

2
(48)

ρGW ∼ ḣ2 (49)
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At  frequency of ground-based detectors, the GWB signal is produced by loops formed during RDE

Evolution of the string loops in 
an expanding Universe:  scaling 
distribution, with loop sizes 
proportional to the cosmic time 
or the Hubble radius. 

Ringeval, Sakellariadou, Bouchet (2007)

At high frequencies, the GWs 
dominated by cusps, kinks, 
and kink-kink collisions. 
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1dim topological defects formed in the early universe as a result of a PT followed 
by SSB, characterised by a vacuum manifold with non-contractible closed curves

Generically formed in the context of GUTs
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hĈ(⌫)i = ⌦GW(⌫) (3)
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Model A: Blanco-Pillado, Olum, Shlaer (2014)
Model B: Lorenz, Ringeval, Sakellariadou (2010)
Model C: Auclair, Ringeval, Sakellariadou, Steer (2019) 

number of burst events per loop oscillation time 
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[ĈIJ
a − ΩCS(fa;Gµ,Nk)]2

σ2
IJ(fa)

, (6)

10 −18≤ Gµ ≤ 10 −6

Nk, Nc = 1

V (φ) =

{
V0+A+(φ− φ0), for φ > φ0

V0+A−(φ− φ0), for φ < φ0
, (7)

Tdom =

(
80 G

πc4g∗

)1/4√
σDW , (8)

ΩTurbulence(f) =

{
Ωpeak(f/fpeak) , f ≤ fpeak
Ωpeak(f/fpeak)−8/3 , f > fpeak .

(9)

1

Parameter Prior

↵PT LogUniform[10
�2

, 10
2
]

�/HPT LogUniform[1, 10
2
]

TPT/GeV LogUniform[10
5
, 10

10
]

⌦ref LogUniform[10
�13

, 10
�6

]

vw fixed at 1

�decay ⌘ Pgw

Gµ2
=

X

i

Pgw,i

Gµ2
(1)

d
2
Ri

dzdl
=

'V (z)

H
3
0 (1 + z)

2Ni

l
n(l, t)�i , (2)

⇢DW = 2A�DWH , (3)

where A = O(1)

HCMB = 2.7⇥ 10
14
r
1/2

GeV . (4)

HCMB < 2.1⇥ 10
�5

MPl

 ' g

✓
24⇡

2

2.3e3.9mQ

m
2
Q

1 +m
2
Q

◆�1/2

, (5)

where mQ ⌘ gQ/H

 ' 1

⌦gw(f) =
f
⇢c

d⇢gw

df

d⇢gw

df
(t0, f) = f

2

Z 1

0
dz

Z 1

0
d`h

2
(f, z, `)

d
2
R(z, `)

dzd`
(6)

p(Gµ|Nk) / L(ĈIJ
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Model B: effect of GW back-reaction on the loops. 
Model B: higher number of small loops than model A

Numerical simulations of Nambu-Goto strings 
(Models A and B)
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Model B: Lorenz, Ringeval, Sakellariadou (2010)
Model C: Auclair, Ringeval, Sakellariadou, Steer (2019) 
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Model A: Blanco-Pillado, Olum, Shlaer (2014)
Model B: Lorenz, Ringeval, Sakellariadou (2010)
Model C: Auclair, Ringeval, Sakellariadou, Steer (2019) 
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Bayesian analysis
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a |Gµ,Nk) is the likelihood

lnL = −1

2

∑

IJ,a

[ĈIJ
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Model A: Blanco-Pillado, Olum, Shlaer (2014)
Model B: Lorenz, Ringeval, Sakellariadou (2010)
Model C: Auclair, Ringeval, Sakellariadou, Steer (2019) 

Exclusion region at the 95% confidence level 

GWB from Cosmic Strings

Excluded regions:

Model A:

Model B:

Model C1:

Model C2:
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The one-dimensional limit

Nambu-Goto action

Energy scale ⇡
r

Gµ

10�10
10

14
GeV

Energy scale Width Linear density
GUT : 10

16 GeV 2 ⇥ 10
�32 m Gµ ⇡ 10

�6

3 ⇥ 10
10 GeV 5 ⇥ 10

�27 m Gµ ⇡ 10
�17

10
8 GeV 2 ⇥ 10

�24 m Gµ ⇡ 10
�22

EW : 100 GeV 2 ⇥ 10
�18 m Gµ ⇡ 10

�34

The Nambu-Goto action describes an infinitely thin object

S = �µ

Z p
� det(�)d

2
⇣

⇣
a

= (t, ⇣) and �ab the induced metric on the string
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GWB from Domain Walls

Domain walls are formed when a discrete symmetry is spontaneously broken during the thermal history of the Universe.

Kibble (1976)

DWs reach a scaling regime with a constant O(1) number of walls per Hubble volume

Ryden, et al (1990); Hindmarsh (1996); Oliveira et al (2005); Avelino et al (2005); etc

Dynamics: - tension (tends to stretch the DWs and reduce DW surface to minimise energy)
- Hubble expansion and interaction of DWs with primordial plasma

When particle friction can be neglected, DWs approach scaling regime

Scaling regime:
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the energy density of the network decreases more slowly than matter or radiation, 
leading to a DW–dominated epoch, inconsistent with cosmological observations 
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Mairi Sakellariadourelativistic motion
of the walls 

However, a DW network may not be absolutely stable (the underlying discrete symmetry may be only approximate).
Different vacua of the theory are biased by a small energy difference, ∆V (bias) ---> only a unique true vacuum state  

Examples: discrete flavour symmetries, left–right symmetric models, supersymmetry, grand unification

DWs can annihilate before dominating the expansion of the Universe

Sikivie (1982)
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Relativistic motion of the domain walls                     GWs (broken power-law)
the emission is strongest around the final time of DW annihilation 

GWB from Domain Walls

annihilation temperature needs to be 
smaller than temperature at which DWs form 
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increasing the wall tension enhances the peak amplitude, 
while a higher annihilation temperature Tann reduces the amplitude and shifts the spectrum to higher frequencies

GWB from Domain Walls

LVK Collaboration, PRX 16, 041023 (2026)



Rule out annihilation temperatures in the range 
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No evidence for a GW signal from a DW network ,
exclude regions of parameter space (σDW, Tann)

GWB from Domain Walls

Bayesian analysis
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−ḡ
[M2

Pl

2
R− 1

2
(∂φ)2 − V (φ) − 1

4
F a
µνF

aµν +
αf

4
φF a

µν F̃
aµν
]
, (12)

Aa
0 = 0, Aa

i = δai a(t)Q(t), (13)

where Q ≃ (−∂φV/3αfgH)1/3

ρDW(t) ∼ η3t−1 (14)

ρcr =
3H2

8πG
∼ m2

Plt
−2 (15)

ρGW

ρcr
∼ η2

m2
Pl

(ηt) (16)

η ∼ 1016GeV (17)

LVK Collaboration, PRX 16, 041023 (2026)



GWs : info about the EU

Mairi Sakellariadou



GWB from Inflation in an exotic model with a Stiff Era

Universe:  cosmological fluid defined by equation of state

Standard cosmological model: inflation --> RD w=1/3 ---> MD w=0 ---> dark energy  (DE) w=-1

Requirement: the Universe is RD during big bang nucleosynthesis

Exotic model: inflation ---> RD1 ---> exotic MD1 ---> exotic stiff era driven by stiff energy ---> RD2 ---> MD2 

1

p = w⇢ (1)

SNR ⇠
p
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Ĉ(⌫) =
2

T

Re[h̃
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1(⌫)h̃2(⌫)]

�T (⌫)S0(⌫)
(17)

1/3 < w ≤ 1 inflationary GWB spectrum 
potentially detectable

Models beyond the SM: quintessence models, axion inflation scenarios, models with string theory moduli,    
Peccei-Quinn inflation models, etc

Kination: ws=1

- a stiff era leads to a blue tilt in the inflationary GW  spectrum, making it observationally interesting
- including a MD era suppresses the GW spectrum at higher frequencies, allowing the model to evade indirect 
constraints from CMB and BBN
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GWB from Inflation in an exotic model with a Stiff Era
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GWB from Inflation in an exotic model with a Stiff Era

Schematic diagram illustrating the evolution of 
the co-moving Hubble radius 

The parameters that influence the GW spectrum are:

H_inf (the overall amplitude of the GWB spectrum),
H_inf= 10^{13}GeV

f_RD (the low-frequency part of the spectrum)

and f_SD (the peak frequency of the spectrum)



No evidence in the O1-O4a data for  a GWB 
coming from a stiff epoch 

95% CL upper limits on some of the parameters 
characterising this unconventional cosmology 
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GWB from Inflation in an exotic model with a Stiff Era
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Parameters θ Prior
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Bayesian 
analysis:

LVK Collaboration, PRX 16, 041023 (2026)



GWB from Axion Inflation

Pseudo-scalar axion coupled to a Non-Abelian gauge field

Example : SU(2) --- it can have an isotropic background value (contrary to U(1))
---> GW production can be computed using linear analysis
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Isotropic ansatz for homogeneous 
component of  gauge field:

Carr, Lidsey (1993); Dimastrogiovanni, Peloso (2013)

Chromo-natural inflation



GWB from Axion Inflation

Non-Abelian GWB spectra for varying velocity 
parameter of inflaton field and axion-gauge coupling
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Bayesian analysis

LVK Collaboration, PRX 16, 041023 (2026)



GWB from Axion Inflation

95% upper bounds on the SU(2)+CBC model under different constant HCMB priors

LVK Collaboration, PRX 16, 041023 (2026)



GWB from second-order scalar perturbations

PBH formation through large curvature perturbations during inflation

observational test for probing directly the epoch of inflation

Matarrese, Pantano, Saez (1994)

Hawking (1971)

tensor modes are dynamically generated by the gravitational instability of scalar fluctuations



GWB from second-order scalar perturbations

PBH formation through large curvature perturbations during inflation

observational test for probing directly the epoch of inflation

Matarrese, Pantano, Saez (1994)

Hawking (1971)

Spectrum of scalar induced GWs: fixed by curvature power spectrum
CMB: at large scales is O (10   )

-9 GWB extremely weak

Planck (2020)

GWB within reach of 
GW observatories

Saito, Yokoyama (2009)

For PBH formation the curvature power spectrum amplitude needs to 
be O(0.01) at some small scales (assuming PBH formation in RDE) 

Peaks in the curvature power spectrum that reach the amplitude O(0.01) required for PBH formation can be 
generated by features or turns in the inflaton potential

tensor modes are dynamically generated by the gravitational instability of scalar fluctuations



Strong GWB generated at 2nd order in perturbation theory from scalar perturbations

power spectrum of primordial 
curvature perturbations

power spectrum of induced GWs some oscillatory function

Kohri, Teradah (2018)

(peaked around same wavenumber 
as the curvature power spectrum) 

GWB from second-order scalar perturbations



Mairi Sakellariadou

GWB from second order scalar perturbations: information about early universe

GWB sourced by  second-order terms of scalar perturbations, in the context of cosmological perturbation theory

observational test for probing directly the epoch of inflation 

O1-O4a:  upper limits on the amplitude of power spectrum and  fraction of the DM in terms of ultralight PBHs
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PBHs produced by collapse when large enough 
curvature perturbations of scale k re-enter horizon, 
------>      PBH mass set by the horizon mass at          

horizon re-entry time of scale k

LVK sensitivity:

LVK Collaboration, PRX 16, 041023 (2026)



Mairi Sakellariadou

GWB from second order scalar perturbations: information about early universe

95% CL Upper bounds on the curvature perturbation amplitude

Bayesian parameter estimation 

10

Parameter Prior
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LVK Collaboration, PRX 16, 041023 (2026)



Parity violation

Models: string-theory, scalar-tensor gravity, phase transitions, chromo-natural inflation, etc

When GWs propagate from the source to the detector, the amplitudes of left versus right 
polarised modes are exponentially enhanced or suppressed, a parity-violating effect 
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Parity violation

Generic search for a PV GWB exhibiting power-law behaviour

- Π constant between -1 and 1

- Π varies with frequency 

1

Parameter Prior
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µ /M⊙ LogUniform[10−1, 103]

σ LogUniform[10−2, 1]

fPBH LogUniform[10−5, 1]
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where A = O(1)
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HCMB < 2.1× 10−5MPl

κ ≃ g
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2.3e3.9mQ

m2
Q

1 +m2
Q

)−1/2

, (3)

where mQ ≡ gQ/H
κ ≃ 1
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V0+A+(φ− φ0), for φ > φ0

V0+A−(φ− φ0), for φ < φ0
, (4)
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πc4g∗

)1/4√
σDW , (5)

Parameter Prior

Ωref LogUniform[10−12, 10−7]
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φend/MPl Uniform[0, 25]

A+/M3
Pl LogUniform[10−20, 10−6]

A−/M3
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V0/M4
Pl LogUniform[10−20, 10−6]

αf/M
−1
Pl Uniform[0, 250]

g LogUniform[10−5, 1]

Π(f) = ±(f/1 Hz)β
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gauge field ---> tachyonic instability in one heliciity
mode of SU(2)

exponential amplification of that mode                                  
parity-violating GWB
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No evidence of such a model
nor a preference for a polarised model over a non-chiral one
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course, all black holes are dark but the ones which form at late times (and definitely exist)
could not provide all the dark matter because they form from baryons and are subject to
the well-known big bang nucleosynthesis (BBN) constraint that baryons can have at most
5% of the critical density [11]. By contrast, PBHs formed in the radiation-dominated era
before BBN and avoid this constraint. They should therefore be classified as non-baryonic
and behave like any other form of cold dark matter (CDM), even though they are more
massive.

As with other CDM candidates, there is still no compelling evidence that PBHs pro-
vide the dark matter but there have been many claims of such evidence. In particular,
there was a flurry of excitement in 1997, when the microlensing searches for massive com-
pact halo objects (MACHOs) suggested that the dark matter could be objects of mass
0.5M� [12]. Alternative microlensing candidates could be excluded and PBHs of this
mass might naturally form at the quark-hadron phase transition [13]. Subsequently, it
was shown that such objects could comprise only 20% of the dark matter [14] and it is
now claimed that microlensing observations exclude the entire mass range 10�7

M� to
10M� from providing all of it [15]. Attention has therefore focused on other mass ranges
in which PBHs could have a significant density.

The numerous constraints on f(M), the fraction of the dark matter in PBHs of mass
M , have been recently reviewed by Carr et al. [16] (CKSY). These constraints suggest that
there are only a few mass ranges where f can be significant: the asteroidal to sublunar
range (1017 – 1023 g), the intermediate range (10 – 102 M�) and the stupendously large
range (M > 1011 M�), although the last is clearly irrelevant to the dark matter in galaxies.
This assumes that the PBH mass function is monochromatic but this conclusion remains
broadly true even if it is extended. The second possibility has attracted much attention in
recent years as a result of the LIGO/Virgo detections of merging binary black holes with
mass in the range 10 – 50M� [17–19]. Since the black holes are larger than initially ex-
pected, it has been suggested that they could represent a primordial population. However,
other PBH advocates argue that the sublunar mass range is more plausible, so theorists
are split about this. There is a parallel here with the search for particle dark matter,
where there is also a split between groups searching for light and heavy candidates.

One important point is that observations imply that only a tiny fraction of the early
Universe could have collapsed into PBHs. The current density parameter ⌦PBH associated
with PBHs which form at a redshift z or time t is related to the initial collapse fraction �

by [20]

⌦PBH = � ⌦R (1 + z) ⇡ 106 �

✓
t

s

◆�1/2

⇡ 1018 �

✓
M

1015 g

◆�1/2

, (1.5)

where ⌦R ⇡ 10�4 is the density parameter of the microwave background radiation and we
have used Equation (1.1). The (1 + z) factor arises because the radiation density scales
as (1 + z)4, whereas the PBH density scales as (1 + z)3. The dark matter has a density
parameter ⌦CDM ⇡ 0.25, so � must be tiny even if PBHs provide all of it. Although this
is a potential criticism of the PBH dark matter proposal, since it requires fine-tuning of
the collapse fraction, we discuss a scenario later in which this may arise naturally. More
generally, any limit on ⌦PBH therefore places a constraint on �(M) and the constraints
are summarised in Figure 1, which is taken from Carr et al. [21]. The constraint for non-
evaporating mass ranges above 1015 g comes from requiring ⌦PBH < ⌦CDM but stronger
constraints are associated with PBHs smaller than this since they would have evaporated
by now. The strongest one is the �-ray limit associated with the 1015 g PBHs evaporating
at the present epoch. Other ones are associated with the generation of entropy and
modifications to the cosmological production of light elements. The constraints below
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course, all black holes are dark but the ones which form at late times (and definitely exist)
could not provide all the dark matter because they form from baryons and are subject to
the well-known big bang nucleosynthesis (BBN) constraint that baryons can have at most
5% of the critical density [11]. By contrast, PBHs formed in the radiation-dominated era
before BBN and avoid this constraint. They should therefore be classified as non-baryonic
and behave like any other form of cold dark matter (CDM), even though they are more
massive.

As with other CDM candidates, there is still no compelling evidence that PBHs pro-
vide the dark matter but there have been many claims of such evidence. In particular,
there was a flurry of excitement in 1997, when the microlensing searches for massive com-
pact halo objects (MACHOs) suggested that the dark matter could be objects of mass
0.5M� [12]. Alternative microlensing candidates could be excluded and PBHs of this
mass might naturally form at the quark-hadron phase transition [13]. Subsequently, it
was shown that such objects could comprise only 20% of the dark matter [14] and it is
now claimed that microlensing observations exclude the entire mass range 10�7

M� to
10M� from providing all of it [15]. Attention has therefore focused on other mass ranges
in which PBHs could have a significant density.

The numerous constraints on f(M), the fraction of the dark matter in PBHs of mass
M , have been recently reviewed by Carr et al. [16] (CKSY). These constraints suggest that
there are only a few mass ranges where f can be significant: the asteroidal to sublunar
range (1017 – 1023 g), the intermediate range (10 – 102 M�) and the stupendously large
range (M > 1011 M�), although the last is clearly irrelevant to the dark matter in galaxies.
This assumes that the PBH mass function is monochromatic but this conclusion remains
broadly true even if it is extended. The second possibility has attracted much attention in
recent years as a result of the LIGO/Virgo detections of merging binary black holes with
mass in the range 10 – 50M� [17–19]. Since the black holes are larger than initially ex-
pected, it has been suggested that they could represent a primordial population. However,
other PBH advocates argue that the sublunar mass range is more plausible, so theorists
are split about this. There is a parallel here with the search for particle dark matter,
where there is also a split between groups searching for light and heavy candidates.

One important point is that observations imply that only a tiny fraction of the early
Universe could have collapsed into PBHs. The current density parameter ⌦PBH associated
with PBHs which form at a redshift z or time t is related to the initial collapse fraction �

by [20]
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where ⌦R ⇡ 10�4 is the density parameter of the microwave background radiation and we
have used Equation (1.1). The (1 + z) factor arises because the radiation density scales
as (1 + z)4, whereas the PBH density scales as (1 + z)3. The dark matter has a density
parameter ⌦CDM ⇡ 0.25, so � must be tiny even if PBHs provide all of it. Although this
is a potential criticism of the PBH dark matter proposal, since it requires fine-tuning of
the collapse fraction, we discuss a scenario later in which this may arise naturally. More
generally, any limit on ⌦PBH therefore places a constraint on �(M) and the constraints
are summarised in Figure 1, which is taken from Carr et al. [21]. The constraint for non-
evaporating mass ranges above 1015 g comes from requiring ⌦PBH < ⌦CDM but stronger
constraints are associated with PBHs smaller than this since they would have evaporated
by now. The strongest one is the �-ray limit associated with the 1015 g PBHs evaporating
at the present epoch. Other ones are associated with the generation of entropy and
modifications to the cosmological production of light elements. The constraints below
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course, all black holes are dark but the ones which form at late times (and definitely exist)
could not provide all the dark matter because they form from baryons and are subject to
the well-known big bang nucleosynthesis (BBN) constraint that baryons can have at most
5% of the critical density [11]. By contrast, PBHs formed in the radiation-dominated era
before BBN and avoid this constraint. They should therefore be classified as non-baryonic
and behave like any other form of cold dark matter (CDM), even though they are more
massive.

As with other CDM candidates, there is still no compelling evidence that PBHs pro-
vide the dark matter but there have been many claims of such evidence. In particular,
there was a flurry of excitement in 1997, when the microlensing searches for massive com-
pact halo objects (MACHOs) suggested that the dark matter could be objects of mass
0.5M� [12]. Alternative microlensing candidates could be excluded and PBHs of this
mass might naturally form at the quark-hadron phase transition [13]. Subsequently, it
was shown that such objects could comprise only 20% of the dark matter [14] and it is
now claimed that microlensing observations exclude the entire mass range 10�7

M� to
10M� from providing all of it [15]. Attention has therefore focused on other mass ranges
in which PBHs could have a significant density.

The numerous constraints on f(M), the fraction of the dark matter in PBHs of mass
M , have been recently reviewed by Carr et al. [16] (CKSY). These constraints suggest that
there are only a few mass ranges where f can be significant: the asteroidal to sublunar
range (1017 – 1023 g), the intermediate range (10 – 102 M�) and the stupendously large
range (M > 1011 M�), although the last is clearly irrelevant to the dark matter in galaxies.
This assumes that the PBH mass function is monochromatic but this conclusion remains
broadly true even if it is extended. The second possibility has attracted much attention in
recent years as a result of the LIGO/Virgo detections of merging binary black holes with
mass in the range 10 – 50M� [17–19]. Since the black holes are larger than initially ex-
pected, it has been suggested that they could represent a primordial population. However,
other PBH advocates argue that the sublunar mass range is more plausible, so theorists
are split about this. There is a parallel here with the search for particle dark matter,
where there is also a split between groups searching for light and heavy candidates.

One important point is that observations imply that only a tiny fraction of the early
Universe could have collapsed into PBHs. The current density parameter ⌦PBH associated
with PBHs which form at a redshift z or time t is related to the initial collapse fraction �
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where ⌦R ⇡ 10�4 is the density parameter of the microwave background radiation and we
have used Equation (1.1). The (1 + z) factor arises because the radiation density scales
as (1 + z)4, whereas the PBH density scales as (1 + z)3. The dark matter has a density
parameter ⌦CDM ⇡ 0.25, so � must be tiny even if PBHs provide all of it. Although this
is a potential criticism of the PBH dark matter proposal, since it requires fine-tuning of
the collapse fraction, we discuss a scenario later in which this may arise naturally. More
generally, any limit on ⌦PBH therefore places a constraint on �(M) and the constraints
are summarised in Figure 1, which is taken from Carr et al. [21]. The constraint for non-
evaporating mass ranges above 1015 g comes from requiring ⌦PBH < ⌦CDM but stronger
constraints are associated with PBHs smaller than this since they would have evaporated
by now. The strongest one is the �-ray limit associated with the 1015 g PBHs evaporating
at the present epoch. Other ones are associated with the generation of entropy and
modifications to the cosmological production of light elements. The constraints below
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course, all black holes are dark but the ones which form at late times (and definitely exist)
could not provide all the dark matter because they form from baryons and are subject to
the well-known big bang nucleosynthesis (BBN) constraint that baryons can have at most
5% of the critical density [11]. By contrast, PBHs formed in the radiation-dominated era
before BBN and avoid this constraint. They should therefore be classified as non-baryonic
and behave like any other form of cold dark matter (CDM), even though they are more
massive.

As with other CDM candidates, there is still no compelling evidence that PBHs pro-
vide the dark matter but there have been many claims of such evidence. In particular,
there was a flurry of excitement in 1997, when the microlensing searches for massive com-
pact halo objects (MACHOs) suggested that the dark matter could be objects of mass
0.5M� [12]. Alternative microlensing candidates could be excluded and PBHs of this
mass might naturally form at the quark-hadron phase transition [13]. Subsequently, it
was shown that such objects could comprise only 20% of the dark matter [14] and it is
now claimed that microlensing observations exclude the entire mass range 10�7

M� to
10M� from providing all of it [15]. Attention has therefore focused on other mass ranges
in which PBHs could have a significant density.

The numerous constraints on f(M), the fraction of the dark matter in PBHs of mass
M , have been recently reviewed by Carr et al. [16] (CKSY). These constraints suggest that
there are only a few mass ranges where f can be significant: the asteroidal to sublunar
range (1017 – 1023 g), the intermediate range (10 – 102 M�) and the stupendously large
range (M > 1011 M�), although the last is clearly irrelevant to the dark matter in galaxies.
This assumes that the PBH mass function is monochromatic but this conclusion remains
broadly true even if it is extended. The second possibility has attracted much attention in
recent years as a result of the LIGO/Virgo detections of merging binary black holes with
mass in the range 10 – 50M� [17–19]. Since the black holes are larger than initially ex-
pected, it has been suggested that they could represent a primordial population. However,
other PBH advocates argue that the sublunar mass range is more plausible, so theorists
are split about this. There is a parallel here with the search for particle dark matter,
where there is also a split between groups searching for light and heavy candidates.

One important point is that observations imply that only a tiny fraction of the early
Universe could have collapsed into PBHs. The current density parameter ⌦PBH associated
with PBHs which form at a redshift z or time t is related to the initial collapse fraction �
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where ⌦R ⇡ 10�4 is the density parameter of the microwave background radiation and we
have used Equation (1.1). The (1 + z) factor arises because the radiation density scales
as (1 + z)4, whereas the PBH density scales as (1 + z)3. The dark matter has a density
parameter ⌦CDM ⇡ 0.25, so � must be tiny even if PBHs provide all of it. Although this
is a potential criticism of the PBH dark matter proposal, since it requires fine-tuning of
the collapse fraction, we discuss a scenario later in which this may arise naturally. More
generally, any limit on ⌦PBH therefore places a constraint on �(M) and the constraints
are summarised in Figure 1, which is taken from Carr et al. [21]. The constraint for non-
evaporating mass ranges above 1015 g comes from requiring ⌦PBH < ⌦CDM but stronger
constraints are associated with PBHs smaller than this since they would have evaporated
by now. The strongest one is the �-ray limit associated with the 1015 g PBHs evaporating
at the present epoch. Other ones are associated with the generation of entropy and
modifications to the cosmological production of light elements. The constraints below
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course, all black holes are dark but the ones which form at late times (and definitely exist)
could not provide all the dark matter because they form from baryons and are subject to
the well-known big bang nucleosynthesis (BBN) constraint that baryons can have at most
5% of the critical density [11]. By contrast, PBHs formed in the radiation-dominated era
before BBN and avoid this constraint. They should therefore be classified as non-baryonic
and behave like any other form of cold dark matter (CDM), even though they are more
massive.

As with other CDM candidates, there is still no compelling evidence that PBHs pro-
vide the dark matter but there have been many claims of such evidence. In particular,
there was a flurry of excitement in 1997, when the microlensing searches for massive com-
pact halo objects (MACHOs) suggested that the dark matter could be objects of mass
0.5M� [12]. Alternative microlensing candidates could be excluded and PBHs of this
mass might naturally form at the quark-hadron phase transition [13]. Subsequently, it
was shown that such objects could comprise only 20% of the dark matter [14] and it is
now claimed that microlensing observations exclude the entire mass range 10�7

M� to
10M� from providing all of it [15]. Attention has therefore focused on other mass ranges
in which PBHs could have a significant density.

The numerous constraints on f(M), the fraction of the dark matter in PBHs of mass
M , have been recently reviewed by Carr et al. [16] (CKSY). These constraints suggest that
there are only a few mass ranges where f can be significant: the asteroidal to sublunar
range (1017 – 1023 g), the intermediate range (10 – 102 M�) and the stupendously large
range (M > 1011 M�), although the last is clearly irrelevant to the dark matter in galaxies.
This assumes that the PBH mass function is monochromatic but this conclusion remains
broadly true even if it is extended. The second possibility has attracted much attention in
recent years as a result of the LIGO/Virgo detections of merging binary black holes with
mass in the range 10 – 50M� [17–19]. Since the black holes are larger than initially ex-
pected, it has been suggested that they could represent a primordial population. However,
other PBH advocates argue that the sublunar mass range is more plausible, so theorists
are split about this. There is a parallel here with the search for particle dark matter,
where there is also a split between groups searching for light and heavy candidates.

One important point is that observations imply that only a tiny fraction of the early
Universe could have collapsed into PBHs. The current density parameter ⌦PBH associated
with PBHs which form at a redshift z or time t is related to the initial collapse fraction �
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where ⌦R ⇡ 10�4 is the density parameter of the microwave background radiation and we
have used Equation (1.1). The (1 + z) factor arises because the radiation density scales
as (1 + z)4, whereas the PBH density scales as (1 + z)3. The dark matter has a density
parameter ⌦CDM ⇡ 0.25, so � must be tiny even if PBHs provide all of it. Although this
is a potential criticism of the PBH dark matter proposal, since it requires fine-tuning of
the collapse fraction, we discuss a scenario later in which this may arise naturally. More
generally, any limit on ⌦PBH therefore places a constraint on �(M) and the constraints
are summarised in Figure 1, which is taken from Carr et al. [21]. The constraint for non-
evaporating mass ranges above 1015 g comes from requiring ⌦PBH < ⌦CDM but stronger
constraints are associated with PBHs smaller than this since they would have evaporated
by now. The strongest one is the �-ray limit associated with the 1015 g PBHs evaporating
at the present epoch. Other ones are associated with the generation of entropy and
modifications to the cosmological production of light elements. The constraints below
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course, all black holes are dark but the ones which form at late times (and definitely exist)
could not provide all the dark matter because they form from baryons and are subject to
the well-known big bang nucleosynthesis (BBN) constraint that baryons can have at most
5% of the critical density [11]. By contrast, PBHs formed in the radiation-dominated era
before BBN and avoid this constraint. They should therefore be classified as non-baryonic
and behave like any other form of cold dark matter (CDM), even though they are more
massive.

As with other CDM candidates, there is still no compelling evidence that PBHs pro-
vide the dark matter but there have been many claims of such evidence. In particular,
there was a flurry of excitement in 1997, when the microlensing searches for massive com-
pact halo objects (MACHOs) suggested that the dark matter could be objects of mass
0.5M� [12]. Alternative microlensing candidates could be excluded and PBHs of this
mass might naturally form at the quark-hadron phase transition [13]. Subsequently, it
was shown that such objects could comprise only 20% of the dark matter [14] and it is
now claimed that microlensing observations exclude the entire mass range 10�7

M� to
10M� from providing all of it [15]. Attention has therefore focused on other mass ranges
in which PBHs could have a significant density.

The numerous constraints on f(M), the fraction of the dark matter in PBHs of mass
M , have been recently reviewed by Carr et al. [16] (CKSY). These constraints suggest that
there are only a few mass ranges where f can be significant: the asteroidal to sublunar
range (1017 – 1023 g), the intermediate range (10 – 102 M�) and the stupendously large
range (M > 1011 M�), although the last is clearly irrelevant to the dark matter in galaxies.
This assumes that the PBH mass function is monochromatic but this conclusion remains
broadly true even if it is extended. The second possibility has attracted much attention in
recent years as a result of the LIGO/Virgo detections of merging binary black holes with
mass in the range 10 – 50M� [17–19]. Since the black holes are larger than initially ex-
pected, it has been suggested that they could represent a primordial population. However,
other PBH advocates argue that the sublunar mass range is more plausible, so theorists
are split about this. There is a parallel here with the search for particle dark matter,
where there is also a split between groups searching for light and heavy candidates.

One important point is that observations imply that only a tiny fraction of the early
Universe could have collapsed into PBHs. The current density parameter ⌦PBH associated
with PBHs which form at a redshift z or time t is related to the initial collapse fraction �
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where ⌦R ⇡ 10�4 is the density parameter of the microwave background radiation and we
have used Equation (1.1). The (1 + z) factor arises because the radiation density scales
as (1 + z)4, whereas the PBH density scales as (1 + z)3. The dark matter has a density
parameter ⌦CDM ⇡ 0.25, so � must be tiny even if PBHs provide all of it. Although this
is a potential criticism of the PBH dark matter proposal, since it requires fine-tuning of
the collapse fraction, we discuss a scenario later in which this may arise naturally. More
generally, any limit on ⌦PBH therefore places a constraint on �(M) and the constraints
are summarised in Figure 1, which is taken from Carr et al. [21]. The constraint for non-
evaporating mass ranges above 1015 g comes from requiring ⌦PBH < ⌦CDM but stronger
constraints are associated with PBHs smaller than this since they would have evaporated
by now. The strongest one is the �-ray limit associated with the 1015 g PBHs evaporating
at the present epoch. Other ones are associated with the generation of entropy and
modifications to the cosmological production of light elements. The constraints below
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reionization earlier than z ∼ 6. In principle, this leads to a constraint on PBHs with

M ≥ M∗

(

tdec
t0

)1/3 (f(M)

f∗

)1/3

≈ 2× 1013 g. (6.15)

An increase in the ionization of the intergalactic medium would also produce a 21 cm signature. Mack and Wesley [138]
have shown that future observations of 21 cm radiation from high redshift neutral hydrogen could place important
constraints on PBHs in the mass range 5 × 1013 g < M < 1017 g. This is essentially due to the coincidence that
photons emitted from PBHs during 30 < z < 300 peak in the energy range in which the intergalactic medium has
low optical depth. Any process which heats the intergalactic medium in this period will produce a signal but the
ionizing flux of photons and electrons and positrons from PBHs would generate a distinctive feature in the 21 cm
brightness temperature. PBHs with 5 × 1013 g < M < 1014 g evaporate in 30 < z < 90 and would raise the 21 cm
brightness temperature, thereby reducing the absorption seen against the CMB. PBHs with M ∼ 1014 g would raise
the spin temperature above the CMB, so that the 21 cm appears in emission rather than absorption. PBHs with
1014 g < M < 1017 g would have a less pronounced effect. The latter limit is shown in Fig. 8 of their paper and can
be expressed in the form

β′(M) < 3× 10−29

(

M

1014 g

)7/2

(M > 1014 g) . (6.16)

It bottoms out at a mass of around 1014 g and is well below the photon background limit. The associated limits are
shown in Fig. 6 but only as a broken curve since they are potential rather than actual.

VII. CONSTRAINTS ON NONEVAPORATING PBHS

For completeness, we now review the various constraints associated with PBHs which are too large to have evapo-
rated by now. We also include a discussion of Planck-mass relics, although these are not large—indeed they are the
smallest conceivable objects in nature. Many of the limits assume that PBHs cluster in the Galactic halo in the same
way as other CDM particles. In this case, Eq. (2.5) implies that the fraction of the halo in PBHs is related to β′(M)
by

f ≡
ΩPBH

ΩCDM
≈ 4.8ΩPBH = 4.11× 108 β′(M)

(

M

M⊙

)−1/2

, (7.1)

where we assume ΩCDM = 0.21 and this f is to be distinguished from the one appearing in the previous sections.
Our limits on f(M) are summarized in Fig. 8. Many of them have been described elsewhere, so we only discuss these
briefly, although we update them where appropriate. Further details can be found in the papers by Josan et al. [140]
(see their Table 1), Mack et al. [90] (see their Fig. 4), and Ricotti et al. [105] (see their Fig. 9). Note that some of the
limits are extended into the f > 1 domain, although this is obviously excluded by the independent density constraint.
However, it is still useful to see where the limits are located since they could become stronger in the future as the
observational data improve.

A. Lensing constraints

Microlensing observations of stars in the large and small magellanic clouds probe the fraction of the Galactic halo
in MACHOs of a certain mass range [262]. We assume that PBHs cluster in the same way as other CDM particles, so
that Eq. (7.1) applies. The optical depth of the halo, τL , is defined as the probability that any given star is amplified
by at least 1.34 at a given time. Although the relation between τL and f depends on the halo model, the so-called S

model [89], which is often adopted in the analysis, gives τ (LMC)
L = 4.7 × 10−7 f and τ (SMC)

L = 1.4 τ (LMC)
L . Although

the initial motivation for microlensing surveys was to search for brown dwarfs with 0.02M⊙ < M < 0.08M⊙ , the
possibility that the halo is dominated by these objects was soon ruled out by both the MACHO [263] and EROS
[264] surveys. Instead MACHO observed 17 events apparently induced by compact objects with M ∼ 0.5M⊙ and
contributing about 20% of the halo mass [89]. Recently similar claims have been made by the POINT-AGAPE
collaboration, which detected 6 microlensing events in a survey of the Andromeda galaxy [265].
This raises the possibility that some of the halo dark matter could be PBHs formed at the QCD phase transition

[41–43]. However, recent results suggest that even a 20% halo contribution of M ∼ 0.5M⊙ PBHs is excluded [266].

Primordial black holes

PBHs larger than            , which are unaffected by Hawking radiation, could 
provide the dark matter which comprises 25% of the critical density
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reach a mass of 1017 M� by the end the radiation-dominated era. Since the existence of
such huge black holes is precluded, this might suggest that PBHs never formed. However,
this argument neglects the cosmic expansion, which is important for PBHs with the hori-
zon size and would inhibit accretion. (Also the Bondi accretion timescale would become
comparable to the Hubble timescale, invalidating the steady-state accretion assumption.)
However, in 1974 Carr and Hawking showed that there is no self-similar solution in general
relativity in which a back hole formed from local collapse can grow as fast as the hori-
zon [4]. Furthermore, the black hole would soon become much smaller than the horizon,
at which point Equation (1.2) should apply, so one would not expect much growth at all.
This removed the concerns raised by Zeldovich-Novikov and reinvigorated PBH research.

The realisation that PBHs might be small prompted Hawking to study their quantum
properties. This led to his famous discovery [5] that black holes radiate thermally with a
temperature

T =
~ c

3

8⇡GMk
⇡ 10�7

✓
M

M�

◆�1
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so they evaporate on a timescale

⌧(M) ⇡
~ c

4

G2M3
⇡ 1064

✓
M

M�

◆
3

yr . (1.4)

Only PBHs initially lighter than M⇤ ⇠ 1015 g, which formed before 10�23 s and have the
size of a proton, would have evaporated by now. Evaporation would be suppressed for
PBHs smaller than a lunar mass, 1024 g, since they would have a temperature less than the
cosmic microwave background (CMB) temperature of about 3K, so these will be classified
as “quantum”. Such black holes might also termed “microscopic”, since their size is less
than a micron.

Hawking’s discovery has not yet been confirmed experimentally and there remain major
conceptual puzzles associated with the process. Nevertheless, it is generally recognised as
one of the key developments in 20th century physics because it beautifully unifies general
relativity, quantum mechanics and thermodynamics. The fact that Hawking was only led
to this discovery through contemplating the properties of PBHs illustrates that it has been
useful to study them even if they do not exist. However, at first sight it was bad news
for PBH enthusiasts. For since PBHs with a mass of 1015 g would be producing photons
with energy of order 100MeV at the present epoch, the observational limit on the �-ray
background intensity at 100MeV immediately implied that their density could not exceed
10�8 times the critical density [6]. This implied that there was little chance of detecting
black hole explosions at the present epoch, which would have confirmed the existence of
both PBHs and Hawking radiation. Nevertheless, the evaporation of PBHs smaller than
1015 g could still have many interesting cosmological consequences [7] and studying these
has placed useful constraints on models of the early Universe. Evaporating PBHs have
also been invoked to explain certain observations, although we will not discuss these here.

1.2 PBHs as Dark Matter

In recent years attention has shifted to the PBHs larger than 1015 g, which are una↵ected
by Hawking radiation. These might have various astrophysical consequences but perhaps
the most exciting possibility—and the main focus of these lectures— is that they could
provide the dark matter which comprises 25% of the critical density [8]. Indeed, this idea
goes back to the earliest days of PBH research, with Chapline suggesting this in 1975 [9]
and Mészáros exploring the consequences for galaxy formation in the same year [10]. Of
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the formation scenario. Primordial black holes are com-
pelling candidates for dark matter [64, 288, 289] and may
contribute to the observed population of binary black
holes [290–298].

Just like astrophysical black holes, primordial black
holes can form binaries and emit gravitational waves.
The resulting gravitational-wave background, produced
by a collection of unresolved events, provides a powerful
probe of source populations in the early Universe [299–
308]. Moreover, it o↵ers a unique opportunity to test
the existence of primordial black hole binaries, since the
abundance of astrophysical black holes is expected to be
low at high redshifts during the cosmic dark ages, before
star formation. In contrast, primordial black holes could
form binaries during this epoch, generating gravitational
waves from the early Universe.

Here, two main formation channels are considered: one
operating in the early Universe and another in the late
Universe, as discussed in the following subsection. A key
factor determining the merger rate is the number density
of primordial black holes, typically quantified by fPBH,
the fraction of dark matter composed of primordial black
holes today. While current observations rule out fPBH =
1, primordial black holes could still make up a significant
fraction of dark matter.

B. Model

The mass function of primordial black holes is com-
monly parametrized using monochromatic or log-normal
distributions. This provides a good approximation for
primordial black holes produced by a peak in the pri-
mordial power spectrum [309]. We define the log-normal
mass function p(m) as

p(m) =
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where ⇢PBH stands for the primordial black hole energy
density. For a log-normal distribution, the mass function
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where µ is the median mass and � controls the width of
the distribution in logarithmic space. The mass function
is normalized such that

R
p(m)d ln m = 1.

We calculate the gravitational-wave background gen-
erated by an ensemble of binary events by summing the
energy spectra of individual binaries, considering the red-
shift of gravitational waves since emission and using the
merger rate distribution [11]:
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In Eq. (40) the integration is over the masses m1

and m2 of the binaries, and fr = (1 + z)f is the
gravitational-wave frequency in the source frame. The
quantity d

2
REB/LB/d ln m1/d ln m2 represents the di↵er-

ential merger rate per unit time, comoving volume, and
mass interval. Di↵erent binary formation mechanisms
are denoted by EB (Early Binary) and LB (Late Binary).
Early binaries form during the radiation-dominated era
shortly after primordial black hole formation, while late
binaries form later via dynamical capture in primordial
black hole clusters during the matter-dominated era. We
model the single-source energy spectrum dEGW/dfr by
the phenomenological fitting function of [310], which cap-
tures the inspiral, merger, and ringdown phases. Al-
though binaries at high redshift emit gravitational waves
early, the nearest binaries typically dominate the back-
ground power unless the merger rate rises sharply with
redshift. Since the merger rate in our model does not
increase steeply, we take zmax = 100, which is su�cient
to include all relevant contributions to the gravitational-
wave background.

Several uncertainties may influence the shape of the
gravitational-wave background, such as the binary for-
mation mechanism and the potential disruption of bina-
ries by a third body. The formation scenario can also
a↵ect properties like eccentricity, spin, and precession,
which in turn modify the waveform. In what follows, we
only consider non-spinning binaries.

The gravitational-wave background is composed of pri-
mordial black hole merger events occurring across a range
of redshifts. If nearby binaries are the dominant ones, the
spectrum exhibits a peak at the characteristic merger fre-
quency, determined mainly by the primordial black holes
masses. For equal-mass binaries, the energy spectrum
has a peak at
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Hence LIGO–Virgo–KAGRA detectors are sensitive to
binaries with masses ranging from sub-solar scales up to
O(102)M�. The possibility of probing such a background
with the LIGO–Virgo–KAGRA detectors has been inves-
tigated in the literature [294, 301–303, 308, 311–313].

There are two major binary formation channels. In the
Early Binary formation scenario, a binary originates from
a pair of closely spaced primordial black holes, where
the tidal influence of a third nearby object imparts the
angular momentum necessary for binary formation. The
merger rate for early binaries at cosmic time t is given
by [291, 314–318]
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the formation scenario. Primordial black holes are com-
pelling candidates for dark matter [64, 288, 289] and may
contribute to the observed population of binary black
holes [290–298].

Just like astrophysical black holes, primordial black
holes can form binaries and emit gravitational waves.
The resulting gravitational-wave background, produced
by a collection of unresolved events, provides a powerful
probe of source populations in the early Universe [299–
308]. Moreover, it o↵ers a unique opportunity to test
the existence of primordial black hole binaries, since the
abundance of astrophysical black holes is expected to be
low at high redshifts during the cosmic dark ages, before
star formation. In contrast, primordial black holes could
form binaries during this epoch, generating gravitational
waves from the early Universe.

Here, two main formation channels are considered: one
operating in the early Universe and another in the late
Universe, as discussed in the following subsection. A key
factor determining the merger rate is the number density
of primordial black holes, typically quantified by fPBH,
the fraction of dark matter composed of primordial black
holes today. While current observations rule out fPBH =
1, primordial black holes could still make up a significant
fraction of dark matter.

B. Model

The mass function of primordial black holes is com-
monly parametrized using monochromatic or log-normal
distributions. This provides a good approximation for
primordial black holes produced by a peak in the pri-
mordial power spectrum [309]. We define the log-normal
mass function p(m) as

p(m) =
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where ⇢PBH stands for the primordial black hole energy
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where µ is the median mass and � controls the width of
the distribution in logarithmic space. The mass function
is normalized such that

R
p(m)d ln m = 1.

We calculate the gravitational-wave background gen-
erated by an ensemble of binary events by summing the
energy spectra of individual binaries, considering the red-
shift of gravitational waves since emission and using the
merger rate distribution [11]:
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In Eq. (40) the integration is over the masses m1

and m2 of the binaries, and fr = (1 + z)f is the
gravitational-wave frequency in the source frame. The
quantity d

2
REB/LB/d ln m1/d ln m2 represents the di↵er-

ential merger rate per unit time, comoving volume, and
mass interval. Di↵erent binary formation mechanisms
are denoted by EB (Early Binary) and LB (Late Binary).
Early binaries form during the radiation-dominated era
shortly after primordial black hole formation, while late
binaries form later via dynamical capture in primordial
black hole clusters during the matter-dominated era. We
model the single-source energy spectrum dEGW/dfr by
the phenomenological fitting function of [310], which cap-
tures the inspiral, merger, and ringdown phases. Al-
though binaries at high redshift emit gravitational waves
early, the nearest binaries typically dominate the back-
ground power unless the merger rate rises sharply with
redshift. Since the merger rate in our model does not
increase steeply, we take zmax = 100, which is su�cient
to include all relevant contributions to the gravitational-
wave background.

Several uncertainties may influence the shape of the
gravitational-wave background, such as the binary for-
mation mechanism and the potential disruption of bina-
ries by a third body. The formation scenario can also
a↵ect properties like eccentricity, spin, and precession,
which in turn modify the waveform. In what follows, we
only consider non-spinning binaries.

The gravitational-wave background is composed of pri-
mordial black hole merger events occurring across a range
of redshifts. If nearby binaries are the dominant ones, the
spectrum exhibits a peak at the characteristic merger fre-
quency, determined mainly by the primordial black holes
masses. For equal-mass binaries, the energy spectrum
has a peak at
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Hence LIGO–Virgo–KAGRA detectors are sensitive to
binaries with masses ranging from sub-solar scales up to
O(102)M�. The possibility of probing such a background
with the LIGO–Virgo–KAGRA detectors has been inves-
tigated in the literature [294, 301–303, 308, 311–313].

There are two major binary formation channels. In the
Early Binary formation scenario, a binary originates from
a pair of closely spaced primordial black holes, where
the tidal influence of a third nearby object imparts the
angular momentum necessary for binary formation. The
merger rate for early binaries at cosmic time t is given
by [291, 314–318]
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of the distribution in logarithmic space
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the formation scenario. Primordial black holes are com-
pelling candidates for dark matter [64, 288, 289] and may
contribute to the observed population of binary black
holes [290–298].

Just like astrophysical black holes, primordial black
holes can form binaries and emit gravitational waves.
The resulting gravitational-wave background, produced
by a collection of unresolved events, provides a powerful
probe of source populations in the early Universe [299–
308]. Moreover, it o↵ers a unique opportunity to test
the existence of primordial black hole binaries, since the
abundance of astrophysical black holes is expected to be
low at high redshifts during the cosmic dark ages, before
star formation. In contrast, primordial black holes could
form binaries during this epoch, generating gravitational
waves from the early Universe.

Here, two main formation channels are considered: one
operating in the early Universe and another in the late
Universe, as discussed in the following subsection. A key
factor determining the merger rate is the number density
of primordial black holes, typically quantified by fPBH,
the fraction of dark matter composed of primordial black
holes today. While current observations rule out fPBH =
1, primordial black holes could still make up a significant
fraction of dark matter.

B. Model

The mass function of primordial black holes is com-
monly parametrized using monochromatic or log-normal
distributions. This provides a good approximation for
primordial black holes produced by a peak in the pri-
mordial power spectrum [309]. We define the log-normal
mass function p(m) as

p(m) =
1

⇢PBH

d⇢PBH

d ln m
, (38)

where ⇢PBH stands for the primordial black hole energy
density. For a log-normal distribution, the mass function
takes the form
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where µ is the median mass and � controls the width of
the distribution in logarithmic space. The mass function
is normalized such that

R
p(m)d ln m = 1.

We calculate the gravitational-wave background gen-
erated by an ensemble of binary events by summing the
energy spectra of individual binaries, considering the red-
shift of gravitational waves since emission and using the
merger rate distribution [11]:
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In Eq. (40) the integration is over the masses m1

and m2 of the binaries, and fr = (1 + z)f is the
gravitational-wave frequency in the source frame. The
quantity d

2
REB/LB/d ln m1/d ln m2 represents the di↵er-

ential merger rate per unit time, comoving volume, and
mass interval. Di↵erent binary formation mechanisms
are denoted by EB (Early Binary) and LB (Late Binary).
Early binaries form during the radiation-dominated era
shortly after primordial black hole formation, while late
binaries form later via dynamical capture in primordial
black hole clusters during the matter-dominated era. We
model the single-source energy spectrum dEGW/dfr by
the phenomenological fitting function of [310], which cap-
tures the inspiral, merger, and ringdown phases. Al-
though binaries at high redshift emit gravitational waves
early, the nearest binaries typically dominate the back-
ground power unless the merger rate rises sharply with
redshift. Since the merger rate in our model does not
increase steeply, we take zmax = 100, which is su�cient
to include all relevant contributions to the gravitational-
wave background.

Several uncertainties may influence the shape of the
gravitational-wave background, such as the binary for-
mation mechanism and the potential disruption of bina-
ries by a third body. The formation scenario can also
a↵ect properties like eccentricity, spin, and precession,
which in turn modify the waveform. In what follows, we
only consider non-spinning binaries.

The gravitational-wave background is composed of pri-
mordial black hole merger events occurring across a range
of redshifts. If nearby binaries are the dominant ones, the
spectrum exhibits a peak at the characteristic merger fre-
quency, determined mainly by the primordial black holes
masses. For equal-mass binaries, the energy spectrum
has a peak at
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Hence LIGO–Virgo–KAGRA detectors are sensitive to
binaries with masses ranging from sub-solar scales up to
O(102)M�. The possibility of probing such a background
with the LIGO–Virgo–KAGRA detectors has been inves-
tigated in the literature [294, 301–303, 308, 311–313].

There are two major binary formation channels. In the
Early Binary formation scenario, a binary originates from
a pair of closely spaced primordial black holes, where
the tidal influence of a third nearby object imparts the
angular momentum necessary for binary formation. The
merger rate for early binaries at cosmic time t is given
by [291, 314–318]
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the formation scenario. Primordial black holes are com-
pelling candidates for dark matter [64, 288, 289] and may
contribute to the observed population of binary black
holes [290–298].

Just like astrophysical black holes, primordial black
holes can form binaries and emit gravitational waves.
The resulting gravitational-wave background, produced
by a collection of unresolved events, provides a powerful
probe of source populations in the early Universe [299–
308]. Moreover, it o↵ers a unique opportunity to test
the existence of primordial black hole binaries, since the
abundance of astrophysical black holes is expected to be
low at high redshifts during the cosmic dark ages, before
star formation. In contrast, primordial black holes could
form binaries during this epoch, generating gravitational
waves from the early Universe.

Here, two main formation channels are considered: one
operating in the early Universe and another in the late
Universe, as discussed in the following subsection. A key
factor determining the merger rate is the number density
of primordial black holes, typically quantified by fPBH,
the fraction of dark matter composed of primordial black
holes today. While current observations rule out fPBH =
1, primordial black holes could still make up a significant
fraction of dark matter.

B. Model

The mass function of primordial black holes is com-
monly parametrized using monochromatic or log-normal
distributions. This provides a good approximation for
primordial black holes produced by a peak in the pri-
mordial power spectrum [309]. We define the log-normal
mass function p(m) as

p(m) =
1

⇢PBH

d⇢PBH

d ln m
, (38)

where ⇢PBH stands for the primordial black hole energy
density. For a log-normal distribution, the mass function
takes the form
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where µ is the median mass and � controls the width of
the distribution in logarithmic space. The mass function
is normalized such that

R
p(m)d ln m = 1.

We calculate the gravitational-wave background gen-
erated by an ensemble of binary events by summing the
energy spectra of individual binaries, considering the red-
shift of gravitational waves since emission and using the
merger rate distribution [11]:
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In Eq. (40) the integration is over the masses m1

and m2 of the binaries, and fr = (1 + z)f is the
gravitational-wave frequency in the source frame. The
quantity d

2
REB/LB/d ln m1/d ln m2 represents the di↵er-

ential merger rate per unit time, comoving volume, and
mass interval. Di↵erent binary formation mechanisms
are denoted by EB (Early Binary) and LB (Late Binary).
Early binaries form during the radiation-dominated era
shortly after primordial black hole formation, while late
binaries form later via dynamical capture in primordial
black hole clusters during the matter-dominated era. We
model the single-source energy spectrum dEGW/dfr by
the phenomenological fitting function of [310], which cap-
tures the inspiral, merger, and ringdown phases. Al-
though binaries at high redshift emit gravitational waves
early, the nearest binaries typically dominate the back-
ground power unless the merger rate rises sharply with
redshift. Since the merger rate in our model does not
increase steeply, we take zmax = 100, which is su�cient
to include all relevant contributions to the gravitational-
wave background.

Several uncertainties may influence the shape of the
gravitational-wave background, such as the binary for-
mation mechanism and the potential disruption of bina-
ries by a third body. The formation scenario can also
a↵ect properties like eccentricity, spin, and precession,
which in turn modify the waveform. In what follows, we
only consider non-spinning binaries.

The gravitational-wave background is composed of pri-
mordial black hole merger events occurring across a range
of redshifts. If nearby binaries are the dominant ones, the
spectrum exhibits a peak at the characteristic merger fre-
quency, determined mainly by the primordial black holes
masses. For equal-mass binaries, the energy spectrum
has a peak at
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Hence LIGO–Virgo–KAGRA detectors are sensitive to
binaries with masses ranging from sub-solar scales up to
O(102)M�. The possibility of probing such a background
with the LIGO–Virgo–KAGRA detectors has been inves-
tigated in the literature [294, 301–303, 308, 311–313].

There are two major binary formation channels. In the
Early Binary formation scenario, a binary originates from
a pair of closely spaced primordial black holes, where
the tidal influence of a third nearby object imparts the
angular momentum necessary for binary formation. The
merger rate for early binaries at cosmic time t is given
by [291, 314–318]
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Early binaries: formed in RDE 
shortly after PBH formation 

Late binaries: formed much later due to clustering of PBHs during MDE. 
This clustering increases likelihood of PBH encounters and interactions, 
enhancing the merger rate 
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Can we distinguish between astrophysical vs cosmological sources?

§ CBC background

§ CS background
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§ Current GW detectors are unable to separate astrophysical from cosmological sources
§ Future GW detectors (CE, ET) can dig out cosmological signals, provided one can 

subtract the loud astrophysical foreground 

Einsle, Bizouard, Regimbau, Sakellariadou, PRD 112 (2025) 063056
Einsle, Bizouard, Regimbau, Sakellariadou, Suresh (2026)

Novel hybrid approach that combines deep learning with Bayesian inference to identify and characterise
the GWB more rapidly than current (cross-correlation) techniques

Martinovic, Meyers, Sakellariadou, Christensen, PRD 103 (2021) 4, 043023



Conclusions

No GWB signal has been detected for any of the considered cosmological and high energy physics models

constraints on their parameters

LIGO-Virgo-KAGRA data can already be used to derive new constraints on several BSM theories

tests of early universe scenarios and particle physics models otherwise inaccessible

- first-order phase transitions
- cosmic strings
- domain walls
- stiff equation of state
- axion inflation
- second-order
- scalar perturbations
- primordial black hole binaries
- parity violation
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